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Abstract

Supernova explosions are among the most impressive events in the Universe. Tens of
supernovae are exploding in the visible Universe each second, and at present there are a
few of them discovered every day. The average peak luminosity of a supernova competes
with that of entire galaxies. Supernovae are the main contributor of heavy elements, energy
and momentum to the interstellar medium, and thus play a crucial role for the evolution
of galaxies.

Stars with initial masses above 10 solar masses produce core-collapse supernovae at the
end of their lives, which comprise about two-third of all supernovae. These events produce
neutron stars or black holes as compact remnants. It has since long been predicted that
very massive star, i.e., stars above 140 solar masses, undergo a dynamical collapse due to
electron-positron pair creation before core oxygen ignition. The explosive ignition can then
disrupt the whole star, leading to so called “pair instability supernovae” (PISNe).

Since many of them are believed to explode in the early Universe, so far there were
only zero and extremely low metallicity evolutionary models computed for this particular
supernovae type. The recent discovery of so called super-luminous supernovae in the local
Universe revealed the need for corresponding models at higher metallicity. This thesis
is based on the self-consistent evolutionary calculations of 150 M� and 250 M� models
including rotation and magnetic fields from the zero-age main sequence up to the collapse
due to pair creation. In this thesis, using an extended and improved nuclear reaction
network, these evolutionary models are evolved through their PISN explosions. In this way,
the first detailed nucleosynthetic yields of finite metallicity pair instability supernovae are
produced, which allows to identify routes to constrain their number based on the elemental
abundances of metal poor low mass stars in our Galaxy.

In a second step, the post-explosion expansion of the pair instability supernova ejecta
is calculated with a multigroup radiation transport-hydro code in order to describe the
visual display of such events. The results of these calculations enabled us to compare the
models to observed supernovae. We found the appearance of our low mass PISN model
to be similar to that of several observed Type II-Plateau supernovae, while our high mass
model shows striking coincidence with the observations of the superluminous supernova
SN 2007bi. We suggest criteria to distinguish PISNe from ordinary ones, and conclude
that PISNe in the local Universe may occur more frequent than previously thought.
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Chapter 1

Introduction and thesis outline

This introductory chapter schematically describes the ulti-

mate fates of massive, very massive, and supermassive stars.

Details are provided for the progenitors of pair instability

supernovae and their applications to the recently discovered

class of superluminous supernovae.

1.1 Massive stars

What kind of stars do we see on the sky during a clear night? The brightest stars include
Sirius, Arcturus, Vega, Capella, Rigel, Procyon, Betelgeuse, Altair, Aldebaran, Pollux, and
Deneb, among many others (in the northern hemisphere of the Earth) that we see with the
naked eye. Their apparent magnitudes, which are a measure of their brightness1, are – 1.5,
0, 0, 0.1, 0.1, 0.3, 0.4, 0.8, 0.9, 1.1, and 1.3 mag, respectively. The corresponding absolute
magnitudes, which reveal their intrinsic luminosity2, that can be obtained considering their
distances are 1.4, – 0.3, 0.6, – 0.5, – 7, 2.6, – 1.3, 2.3, – 0.3, 0.7, – 7.2 mag, respectively. The
masses of these stars estimated from their intrinsic luminosities range from 1.5 M� to
19 M�. Approximately, the mass of Sirius is 2 M�, the mass of Arcturus is 1.5 M�, the
mass of Vega is 2 M�, the mass of Capella is 2.5 M�, the mass of Rigel is 18 M�, the mass
of Procyon is 1.5 M�, the mass of Betelgeuse is 15 M�, the mass of Altair is 1.7 M�, the
mass of Aldebaran is 2 M�, the mass of Pollux is 2 M�, and the mass of Deneb is 19 M�.

1The apparent magnitude m is defined as m ∝ −2.5 log10 F , where F is the energy flux from the star
in units [erg s−1 cm−2]. F corresponds to the amount of energy an observer receives at the Earth per
second through one square centimeter. Due to historical reasons, a higher brightness of a star corresponds
to a smaller value of the magnitude. The Greek astronomer Hipparchus in the 2nd century BC divided
all stars into 6 classes according to their brightness. The brightest stars were stars of the first magnitude,
the faintest stars were the sixth magnitude. The apparent magnitude of the Sun is – 26.7 mag.

2The absolute magnitude is defined as the magnitude of the star if it was located at the distance
10 parsec or 3 × 1019 cm. The absolute magnitude is defined from the apparent magnitude and the
distance to the star as M = m+ 5− 5 log10D, where D is the distance to the star in parsec. The absolute
magnitude of the Sun is 4.7 mag, which means that if the Sun was 10 parsec away from the Earth it would
almost be invisible to the naked eye.
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Figure 1.1: Massive stars in the Orion constellation observed with the naked eye.

In Figure 1.1 we show the well-known constellation of Orion and label the most massive
stars which are easily observed with the naked eye.

The stars mentioned above are located in our Galaxy. We see many of these stars
during their most long-lasting phase — core hydrogen burning. Only a few of them can
be truly considered as massive stars — Rigel, Betelgeuse and Deneb. It is believed that
currently hydrogen is exhausting in the cores of these stars or helium is burning there.

Do we have even more massive stars? Do they exist? The answer is “Definitely!”.

More massive stars have shorter lifetimes and, therefore, are fewer in number. Moreover
the absolute number of newly born massive stars is less than that of low-mass stars due
to the mass spectrum of fragmented star forming clouds and the consequent initial mass
function (Kolmogorov 1941; Salpeter 1955). Massive stars are usually born in dense clusters
and have complex circumstellar material resulting from their strong stellar winds. Modern
telescopes and observational techniques are often powerful enough to resolve individual
stars in such environments. Consequently, a number of very massive stars much above
20 M� have been detected. In Table 1.1, we list the most massive stars that have been
observed to date, and in Figure 1.2 we demonstrate the star clusters with the most massive
stars known. A recent study by Schneider et al. (2014) indicates that the masses of the
stars from the cluster R136 are reliable.

Other questions arise when talking about massive stars:
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Table 1.1: The list of the most massive stars based on Davidson (1999); Walborn et al.
(2004); Barniske et al. (2008); Martins et al. (2008); Schnurr et al. (2008); Crowther et al.
(2010); Bestenlehner et al. (2011); Schneider et al. (2014). The numbers in parentheses
following the current mass means the estimated initial mass.

Name Current mass in M� Location Reference
R136a1 265(320) LMC Crowther et al. (2010)
R136a2 195 LMC Crowther et al. (2010)
R136c 175 LMC Crowther et al. (2010)

Peony star (WR 102ka) 175 WR MW Barniske et al. (2008)
HD 269810 150 LMC Walborn et al. (2004)
VFTS 682 150 WR LMC Bestenlehner et al. (2011)

R136a3 135 LMC Crowther et al. (2010)
NGC 3603-B 132 MW Schnurr et al. (2008)

Arches-F9 120 WN MW Martins et al. (2008)
η Carina-A 120(160) MW Davidson (1999)

Note: ‘WR’: Wolf-Rayet star, ‘WN’: Wolf-Rayet of type WN. ‘LMC’: Large Magellanic Cloud.

‘MW’: Milky Way.

• What is the difference between massive stars and our Sun?

• How long do they live?

• What is the final fate?

We briefly answer these questions here and in the next sections in more detail.
The Sun is a low-mass star. The life of our Sun is well known. Its age is about 5 billion

years and it will continue to live its quiet life for the next 5 billion years. This corresponds
to the long-lasting phase where hydrogen is transformed into helium in the depth of the
Sun. The energy released from the thermonuclear reactions in the core diffuses during
millions of years to the surface of the Sun. The specific solar luminosity is comparable to
that of rotting leaves in autumn (L�/M� ' 2 erg s−1 g−1). Note that the human body
releases 10 4 times more energy per gram each second!3 During its further evolution, the
solar core will converts helium into carbon and oxygen. Gravity is not large enough to
provide conditions for further nuclear evolution, and after a series of helium flashes the
solar core becomes a degenerate carbon-oxygen core (a so-called “white dwarf”) surrounded
by shed shells of the outer solar atmosphere (the so-called “planetary nebula”).

The fate of more massive stars (above 10 M�) is very different. Note that according
to their higher masses the hydrogen burning phase lasts only millions of years. Their

3The energy generation rate of human body is 100 W if the person is in quiet state. This approximately
corresponds to specific energy generation rate 10 4 erg s−1 g−1. While doing any sports the body radiates
4 × 10 4 erg s−1 g−1.
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Figure 1.2: Massive stars in our Galaxy (left) and in the Large Magellanic Cloud (right).
Left: Star cluster NGC 3603 in our Galaxy which contains stars 92 M�, 113 M�, 120 M�,
and 132 M� (Schnurr et al. 2008).
Right: Tarantula nebula (or 30 Doradus star forming region) in the nearby galaxy Large
Magellanic Cloud contains the star cluster R136 with stars 135 M�, 175 M�, 195 M�,
265 M� (Crowther et al. 2010; Schneider et al. 2014).
Photos are taken from http://hubblesite.org/ and http://nssdc.gsfc.nasa.gov/.

nuclear evolution continues far beyond helium burning. The gravity of massive stars is
high enough to provide thermodynamic conditions for carbon, neon and oxygen burning,
which last 500 years, 5 years and 1 year, successively. Following this stage, silicon burning
occurs and lasts only 1 day. During this stage the iron core is formed in the centre. As
a final chord of the relatively short life of massive stars, the iron core loses its dynamical
stability and collapses. The gravitational energy released during the collapse initiates a
tremendous explosion and the ejection of all overlying layers. This phenomenon is called a
“supernovae”. The amount of energy released during a supernova explosion is compatible
to the energy the Sun generates during its whole life, and the luminosity of supernova can
be 10 10 times that of the Sun or as bright as a whole galaxy.

Such powerful explosions can be seen from very large distances, where galaxies cannot
be resolved into individual stars. Therefore, supernovae operate as beacons in the Universe.
Discovering supernovae at large distances allows us to investigate stellar evolution in the
early Universe. One can derive the value of the intrinsic luminosity of the supernova from
photometric and spectroscopic observations for various types of supernovae. Knowing
the intrinsic luminosity one is able to calculate the distance to the supernova, which is
important for measuring the scales of the Universe.

One of the most significant aspect of supernovae consists in the impact on chemical
enrichment. During the explosion, a large amount of heavy elements4 is expelled into the

4Heavy elements, or metals, are those heavier than helium.

http://hubblesite.org/
http://nssdc.gsfc.nasa.gov/
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surrounding medium, increasing its metal fraction, i.e. the metallicity5. Many elements
heavier than helium are produced during the evolution of a massive star and the supernova
explosion, and are ejected with high velocities. These include carbon, oxygen, sodium,
magnesium, aluminium, silicon, calcium, titanium, iron, zinc and many others. Low-
mass stars cannot produce this ensemble of vital chemical elements on a short timescale
because of their large evolutionary timescale. Massive stars evolve quickly and are the
first contributors to the chemical evolution of the Universe. Due to the high velocities,
freshly synthesized elements are effectively mixed into the interstellar matter and provide
new chemical conditions for the formation of the next generations of stars.

For example, a 25 M� star enriches the circumstellar medium with 0.3 M� of carbon,
several solar masses of oxygen, 0.1 M� of magnesium. 0.5 M� of silicon, 0.05 M� of iron.
Some very massive stars above 140 M� are completely disrupted during their explosions
and enrich the medium with more than a hundred solar masses of heavy elements (see
below).

Our Sun was formed from matter that was already processed by many generations of
stars. One of the strongest signature of this fact comes from the iron-group abundance
in the Solar system. Iron-56 contributes 0.1% of the whole Solar system’s mass, which
corresponds to 6% of the Solar system’s mass of species heavier than helium, and 20%
of the mass of all elements beyond oxygen (Wallerstein et al. 1997). Such a high iron-56
abundance (and also those of some other iron-group isotopes) is explained by the fact
that the Solar system’s matter underwent in the past the condition of nuclear statistical
equilibrium6, i.e. very high temperature (above ∼ 4 × 10 9 K) and density (above ∼
10 9 g cm−3). The system of isotopes in nuclear statistical equilibrium has a specific
distribution of isotopes determined by their binding energies. Therefore, the dominant
isotopes in equilibrium are those with the highest binding energy, i.e. the most tightly
bound nuclei. The conditions of statistical equilibrium are naturally attained in an evolved
massive star, namely during the pre-supernova stage, the core collapse and during the
supernova explosion. Accreting white dwarfs (i.e. the evolved cores of low-mass stars)
can also reach the condition of statistical equilibrium during a thermonuclear explosions
(Seitenzahl et al. 2009). Together, core-collapse supernova isotopic yields and SNe Ia yields
can explain the Solar system’s abundances of isotopes between oxygen and iron (Timmes
et al. 1995; Woosley et al. 2002; Thielemann et al. 2007).

Therefore, supernova explosions govern the chemical evolution of the entire galaxy and
manage the processes of on-going star formation. In the following sections we discuss the
mass dependence of these processes.

5Metallicity Z is defined as a mass fraction of all elements heavier than helium.
6Nuclear statistical equilibrium is the state of the matter when many micro-processes are governed by

macro-thermodynamical characteristics (see e.g., Meyer 1994; Wallerstein et al. 1997; Meyer et al. 1998).
The condition of nuclear statistical equilibrium is reached at high temperature (4 × 10 9 degrees) and
density (10 9 g cm−3). In these conditions, the distribution of species is set by values of temperature,
density and the electron fraction.
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1.2 Evolution and final fates of massive stars

The initial mass function of stars in the nearby Universe is relatively well known up to
about 100 M�. The number of stars in the range (M,M + ∆M) is proportional to M Γ,
where Γ ' −2.35 (Salpeter 1955). In the early Universe where elements heavier than
lithium are absent, the number of massive stars could be significantly larger because of
the lack of efficient coolants like carbon atoms and interstellar dust in star-forming regions
(e.g., Bromm et al. 1999; Nakamura & Umemura 2001; Abel et al. 2002; Omukai & Palla
2003; O’Shea & Norman 2006; Ohkubo et al. 2009).

We briefly review the evolution of massive stars and their consequent final fates accord-
ing to their initial masses. We focus on stars above approximately 10 M�, because they
are expected to end their lives as supernovae (SN, hereafter).

1.2.1 10 – 100 M� stars

The evolution of stars follows a sequence of hydrostatic burning stages in the interior.
Schematically it can be written as the following sequence:

core nuclear burning → nuclear fuel exhaustion → core contraction → core heating →
core nuclear burning → and so on...

For stars in the mass range of 10 – 100 M�, this sequence terminates when the core
is converted into iron, which eventually collapses to form a neutron star or black hole. A
large number of detailed studies are dedicated to this topic (e.g., Woosley & Weaver 1995;
Chieffi et al. 1998; Heger et al. 2000; Limongi et al. 2000; Hirschi et al. 2004; Chieffi &
Limongi 2013; Georgy et al. 2013).

A set of well-known nuclear reactions convert hydrogen to iron through a series of phases
of hydrostatic hydrogen, helium, carbon, oxygen, neon, and silicon burning. Silicon burning
in the core occurs at quasi-statistical equilibrium condition and results in the formation of
iron. The schematic illustration of the sequence of nuclear burning stages (not to scale) is
presented in Figure 1.3. At the end of its nuclear evolution a star has onion-like stratified
chemical structure. Nuclear fusion cannot continue with iron because of its high nuclear
binding energy, and the iron core continues to contract. The accompanying neutronisation
of the matter due to the photo-dissociation of matter and electron captures near the center
eventually leads to the dynamical instability and gravitational collapse of the core. The
gravitational energy of the core is released in the form of an intense neutrino flux during
the dynamical collapse. Neutrinos then interact with the surrounding matter and generate
a bounce and a strong shock, which eventually results in a spectacular explosion known
as core-collapse supernova (CCSN, hereafter). The gravitational collapse of the iron core
ceases when its central density reaches nuclear matter density (10 14 − 10 15 g cm−3), and
leaves a neutron star if the initial stellar mass does not exceed approximately 25 M�.

Massive stars contribute about 75% to the total number of all exploding supernovae
(Mackey et al. 2003; Smartt 2009; Arcavi et al. 2010; Li et al. 2011; Smith et al. 2011;
Eldridge et al. 2013). The rest fraction of supernovae are produced by explosions of white
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→ → →

→ →

Figure 1.3: Schematic illustration of the sequence of nuclear burning stages with final
onion-like chemical structure of the evolved massive star at the pre-collapse stage (not to
scale).

dwarfs which are the results of evolution of low-mass stars (a few solar masses) (Arnett
1969; Nomoto et al. 1976; Nomoto 1982). A large fraction of faint core-collapse supernovae
leave invisible because of strong selection effect and limited observational capabilities (Man-
nucci et al. 2007; Botticella et al. 2008; Young et al. 2008; Mattila et al. 2012; Gal-Yam
et al. 2013).

Although it is still a matter of debate how the imploding core of the massive star
provides the explosion (Janka 2012; Burrows 2013), great success has been achieved re-
cently for low and intermediate energy explosions driven by neutrino transport (Marek &
Janka 2009; Bruenn et al. 2009; Kotake et al. 2012; Kuroda et al. 2012; Müller et al. 2012;
Bruenn et al. 2013). Bruenn et al. (2013) reached the time up to 2 ms after the onset of
the gravitational collapse and successfully produced neutrino-driven shocks. Nevertheless,
these computationally expensive numerical calculations still involve a number of unclear
assumptions about the onset of the collapse and bounce itself. Moreover, there is a discrep-
ancy between two- and three-dimensional CCSN simulations (Dolence et al. 2013; Couch
2013; Takiwaki et al. 2013). Explosions of more massive progenitors (M > 15M�) appear
problematic (Burrows 2013; Papish et al. 2014).

One-dimensional parametrized CCSN simulations involve assumptions about the ex-
plosion energies, mass-cuts (Utrobin 1993; Woosley & Weaver 1995). These parameters
allow models to match the scatter in observational signatures and nucleosynthetic imprints
(e.g., Umeda & Nomoto 2003; Heger & Woosley 2010; Moriya et al. 2010).
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In the literature, it is often argued that massive stars with initial masses higher than
about 25 – 30 M� collapse to a black hole rather than to a neutron star, without producing
a bright supernova (e.g., Fryer 1999; Heger et al. 2003). This is because more massive stars
have higher binding energies, which makes it more difficult to unbind the stellar envelopes.
This may also depend on the size of the iron core formed in the interior of these massive
stars. As discussed by Wallerstein et al. (1997) the iron core mass correlates with the ratio
of the oxygen to carbon abundance at the end of helium burning, which is usually higher for
a higher mass star. In particular, if the iron core mass exceeds the Tolman-Oppenheimer-
Volkoff limit that is the maximum possible mass for a neutron star (Oppenheimer & Volkoff
1939; Oppenheimer & Snyder 1939), the formation of a black hole is the likely outcome.
Recently Ugliano et al. (2012) investigate the question of the mass-dependence of neutron
star/black-hole formation and show that stars less massive than 20 M� can result in black
holes and stars of 20 – 40M� can end their evolution with the formation of a neutron star.
Hence, it is not fully understood which stars die as bright supernovae leaving neutron stars
as remnants and which stars collapse into black holes with or without supernova.

Formation of the light curve and types of supernovae

The shock wave is generated in the silicon layer after the bounce of the collapsing core and
strong neutrino–matter interaction. The large fraction of explosion energy is converted into
kinetic and thermal energy of the shock. The first indication of the explosion is seen when
the shock breaks out on the surface of the supernova progenitor. It takes hours to days
for the shock to get to the surface. Approximately this time can be estimated according
to the following formula:

tshock ∼
Rprogenitor

usound

, (1.1)

where Rprogenitor is the radius of the supernova progenitor, and usound is the average sound
speed in the envelope7 (e.g. Falk & Arnett 1977; Shigeyama et al. 1987).

The phenomenon, called “shock breakout”, can be seen as a short-lasting X-ray/ultraviolet
flash, because the temperature on the shock front reaches millions of Kelvin. The duration
of the flash depends on the radius of the progenitor

∆tshock ∼
Rprogenitor

c
, (1.2)

where c is the speed of light. The duration of the shock breakout for supergiant progenitors
does not exceed hours (see e.g. Ensman & Burrows 1992; Calzavara & Matzner 2004;
Tolstov et al. 2013).

The envelope matter is optically thick, and the photon diffusion time exceeds thousands
of years. The opacity is dominated by electron scattering. The propagating shock heats
and accelerates the envelope depositing a fraction of its thermal and kinetic energy into
the matter. After the shock breakout the outermost layers relaxes from the shock. The

7Note, that the shock wave propagates with the velocity exceeding the sound speed.
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Figure 1.4: Schematic illustration of supernova light curves.

surface of τ ≈ 1 (i.e. photosphere front) is still located in these outermost layers at this
time.

During first days the radius of the progenitor star increases tremendously (in hundreds
to thousands times depending on the compactness of the progenitor). The envelope ex-
pands and adiabatically cools allowing the electrons to recombine. The recombination and
cooling wave is established if the condition are fulfiled (Grasberg & Nadezhin 1976). The
recombination and cooling front propagates inwards through the envelope (along decreas-
ing mass coordinate) with the velocity greatly exceeding the sound speed. Note, that due
to radial expansion the overall direction of the photospheric motion8 is outwards. The
front of recombination and cooling wave indicate the drop in electron density and electron-
scattering opacity, and also represent the surface of τ ≈ 1.

Following the recombination and cooling wave the photosphere propagates through the
diverse chemical layers. Consequently, the light curve of the supernova presents the radia-
tion from the subsequently located layers which appears on the path of the photosphere.

The number of factors influence the characteristics of an emerging supernova light
curve. Schematically the light curve of a pure supernova is illustrated in Figure 1.4. Gen-
erally, the photospheric phase follows after the shock breakout. At this time the light
curve traces the front of the photosphere. The shock-deposited energy is released during
the so-called plateau phase when the luminosity remains nearly constant. Hydrogen-rich
extended (hundreds to thousands of solar radii) progenitors have long supernova plateau
lasting about 100 days (Barbon et al. 1979). Hydrogen-rich compact (approximately ten
to hundred solar radii) progenitors and those without hydrogen envelope produce light

8Photospheric velocity is the radial velocity of the shell where the photosphere is located.
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Figure 1.5: Observed examples of light curves of core-collapse supernovae.
Upper panel : Evolution of the absolute visual-band magnitude (MV ∼ −2.5 logFV , where
FV is energy flux in visual spectral band) of two SNe IIP (1999em, 1992am) and two
SNe II-pec (1987A, 199br).
Bottom panel : Evolution of the absolute visual-band magnitude of a few SNe Ibc (1990B,
1999ex, 1994I). Both plots are taken from Hamuy (2003b).

curves with a prominent maximum after their explosions. The re-brightening occurs when
moving inwards photosphere encounters high-energy photons synthesized in nickel-cobalt
radioactive decay and diffusing outwards. One of the famous example of such light curve is
the supernova exploded in 1987 in the nearby galaxy Large Magellanic Cloud (SN 1987A,
see e.g., Arnett et al. 1989b; Imshennik & Nadezhin 1989).

When at later time the envelope becomes transparent then the light curve follows the
instant deposition of energy synthesized in radioactive decay of nickel and cobalt9.

Observationally, core-collapse supernovae are broadly classified into Type I and Type II,
depending on the absence or the presence of hydrogen lines in their early spectra, respec-
tively (Minkowski 1941; Shklovskii 1966).

Massive stars which retain their hydrogen envelopes produce hydrogen-rich Type II
core-collapse supernovae. Not all massive stars can retain their hydrogen envelope until
the end of their lives. Several factors such as metallicity, pulsations, degree of rotation,
and binary interactions may determine how massive stars lose their outer layers (see e.g.,
Langer & El Eid 1986; Woosley et al. 1993; Heger et al. 1997). High metallicity (i.e. the
mass fraction of metals in the envelope) can be either initial or increased by convective

9Radioactive decay of nickel and cobalt is: 56Ni + e− → 56Co + νe (half-time is about 6 days),
56Ni + e− → 56Fe + νe (half-time is about 77 days).
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and rotationally-induced mixing. Convection and rotation operate as a mixer stirring un-
derlying freshly synthesized heavy elements and overlying unburnt matter). The higher
metallicity implies higher mass-loss rate (Vink et al. 2001). Pulsations serve as an addi-
tional mechanism for reducing the stellar mass (Yoon & Cantiello 2010). Being a compan-
ion of the binary system the star easily loses its mass via Roche lobe overflow (Paczyński
1971; Podsiadlowski et al. 1992). When stars lose their hydrogen envelope they produce
hydrogen-poor Type I explosions.

There is a few observationally distinct supernova types. Based on the recent progress
of stellar evolution theory these types are connected to certain evolution of the massive
star (see e.g., Smith et al. 2011; Langer 2012). Depending on the hydrogen mass retained
and the radius at the onset of the explosion the supernova can be:

• Type II plateau (SN IIP) if the progenitor has about 5 to 20 M� envelope pol-
luted by hydrogen, and its radius exceeds several hundreds of solar radii (Shklovskii
1960; Grasberg et al. 1971). The main property of these supernovae is the so-called
“plateau” phase in the light curve during which the luminosity remains around a
constant level. The duration of the plateau phase and luminosity during this time
directly depend on the radius of the progenitor, the ejected mass and explosion energy
(Litvinova & Nadezhin 1985; Popov 1993);

• Type II peculiar (SN II-pec) if the progenitor retains similar mass of hydrogen-
polluted envelope, but if it is more compact, i.e. its radius does not exceed hundred
solar radii. The classical example is the SN 1987A with a prominent bump-like light
curve;

• Type IIn (“narrow lines”, SN IIn) if the progenitor is similar to the first case but
explodes in dense medium (either originally dense or left by extensive mass-loss)
(Moriya et al. 2011). The light curve is powered by interaction of the supernova shock
and supernova ejecta with the surrounding medium causing low ejecta velocities,
therefore, narrow emission lines in the spectra;

• Type II linear (SN IIL) if retained envelope mass which contains hydrogen is less
than 1-2 M�, and a star is very extended before the explosion (thousands of solar
radii) (Langer 2012). It is supposed that the stars at the upper mass boundary for
core-collapse supernovae loses a large fraction of their mass retaining only a shallow
hydrogen layer and produce SN IIL. The signature of this type of supernovae is a
linear decayed luminosity after the peak value;

• Type IIb (SN IIb) if the progenitor has lost almost the entire hydrogen atmosphere.
The hydrogen lines quickly disappear from the spectra after maximum phase;

• Type Ib or Ic (SN Ib/Ic) if the progenitor has lost the entire hydrogen atmosphere
(Langer 2012). The early spectra do not exhibit any hydrogen line, but have strong
helium lines. According to Filippenko (1997); Turatto (2003) those supernovae which
do not exhibit helium lines classified as SNe Ic (Dessart et al. 2012a). The explosion
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of SN Ib/Ic originates from the bared helium core of this massive star. Most probably
that the progenitor of SN Ib/Ic is a companion of a binary system and it has lost
its mass while transferring it via Roche lobe overflow to the second star (Yoon et al.
2010; Eldridge et al. 2013).

Figure 1.5 demonstrates the diversity of core-collapse supernova light curves. As men-
tioned above, the plateau of SNe IIP is caused by the propagation of cooling and recombi-
nation wave moving from the surface into inner regions and radiating the shock-deposited
energy. The bump of SNe II-pec and SNe Ibc is produced by flux of thermalized high-
energy photons from radioactive nickel decay. The tails of the most supernova light curves
are powered by the instant energy deposition from radioactive decay. For illustration,
the dotted line in the right panel of Figure 1.5 shows the slope of nickel-to-cobalt-to-iron
decay10. The late-time supernova luminosity directly indicates the amount of radioactive
nickel-56 ejected into the envelope during the explosion. The typical amount of nickel is
0.004 – 0.1 M� (Patat et al. 1994). Note, that the large fraction of nickel-56 produced
during the evolution and the earliest stage of the explosion collapses into neutron star.

1.2.2 100 – 260 M� stars

Very massive stars with initial masses of about 100 – 260 M� constitute the main focus
of the current study. If these stars avoid heavy mass loss, they end their lives with pair
instability explosions (Fowler & Hoyle 1964; Bisnovatyi-Kogan & Kazhdan 1967; Rakavy
& Shaviv 1967; Barkat et al. 1967; Fraley 1968; Kippenhahn & Weigert 1990; Heger &
Woosley 2002). One of the reasons for our specific interest in this class of supernovae is
that their explosion mechanism is fully comprehensible and therefore easily reproduced by
numerical simulations.

Similar to the stars discussed in the previous section, these very massive stars follow
hydrostatic hydrogen, helium, carbon and neon burning. After core carbon exhaustion and
a brief neon burning phase, they undergo a thermonuclear explosion due to the dynamical
instability caused by the creation of electron-positron pairs in their oxygen cores. This can
be understood as follows.

A higher mass star has a lower central density for a given central temperature, because
the density ρc and temperature Tc in the centre of the star are bound through its mass M
as

Tc ∼ M kρ 1/3
c ⇒ ρc ∼

T 3
c

M 3k
. (1.3)

The exponent k depends on the equation of state. k = 1/6 corresponds to the case
of radiation-dominated pressure (P = a T 4). If pressure is dominated by gas pressure
(P = RρT/µ), we have k = 2/3 (see Figure 1.6). Note that in the case of dominant ideal

10In case of the instant energy deposition from radioactive decay the resulting luminosity declines ac-
cording to the decay rate: Ltail ∼MNie

−t/τ , where τ is life-time of nickel isotope.
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gas pressure the density–temperature relation depends also on molecular weight:

ρc ∼
T 3
c

µ 3
c M

3k
, (1.4)

where µc is the molecular weight in the centre of the star.
Assuming the polytropic star (T ∼ ρ 1/3) it is easy to show that the role of radiation

in the pressure depends on the mass of the star. Let us define the ratio of gas pressure to
total pressure as β = P gas

P total
. Then

β 1/3(1 + β) ∼M 2/3 , (1.5)

where M is the mass of star. Eddington (1926), Wagoner (1969a) and Zel’dovich et al.
(1981) find the following relation between β and the mass of star M .

1− β = 0.00298

(
M

M�

) 2

(µβ) 4 , (1.6)

where µ is the mean molecular weight (i.e. the number of atomic units per particle). If
radiation contributes to the pressure equally to matter then β = 1/2 and the mass value
is about 50 M�. For higher mass stars radiation contributes stronger to the pressure and
plays a significant role in their evolution. We provide an illustration from Kippenhahn
& Weigert (1994) demonstrating the dominant contributor to the pressure (crystal mat-
ter, relativistic degenerate electron gas, non-relativistic degenerate electron gas, ideal gas,
radiation pressure) depending on temperature and density.

During the late stages of the evolution of a very massive star, when the core undergoes
carbon burning, the temperature approaches one billion Kelvin. Photons are distributed
approximately according to Planck’s law and some fraction of the photons in the high
energy tail of the energy distribution exceed the rest-mass energy of an electron-positron
pair (mec

2 ∼ 0.5 MeV). These photons spontaneously produce such pairs (2γ � e−e+).
The transition “photons −→ matter” leads to a drop in the radiation pressure which

compensates the gravity force and holds the hydrostatic equilibrium. Dominant radiation
pressure and the emerging relativistic electrons reduces the resistance of the matter to the
gravitational force (Kippenhahn & Weigert 1994). Consequently, the structural adiabatic

index γ = d(lnP )
d(ln ρ)

falls below the dynamical stability threshold of 4/3, which leads to the
dynamical instability in the core.

An explanation of this instability is given by Zel’dovich et al. (1981) from first principles.
Firstly, we consider the idealistic situation when the pressure is dominated by radiation
and matter does not contribute to the pressure. In this case the entropy is the sum of two
terms responsible for matter and radiation. The final expression for the pressure is given
by:

P =
a

3

(
4

3

S

a

) 4/3

ρ 4/3 , (1.7)
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Figure 1.6: The plot from Kippenhahn & Weigert (1994) demonstrating the main contrib-
utors to the pressure in the thermodynamical phase space.

where a = 7.56 × 10−15 erg cm−3K−4 is the radiation constant. The corresponding line is
the left-hand straight line in Figure 1.7.

Secondly, if the temperature is very high, and photon energy significantly exceeds the
rest-mass energy of electron-positron pairs kT � mec

2, the energy density as well as the
entropy is the sum of the two terms responsible for radiation and a relativistic electron-
positron gas, without account for ions. In this case the pressure–density relation is given
by:

P = A
a

3

(
4

3

S

a

) 4/3

ρ 4/3 , (1.8)

where A ' 0.3 is a numerical factor. The right-hand straight line in Figure 1.7 is respon-
sible for this situation. Figure 1.7 illustrates that in the intermediate case between two
considered states with P ∼ ρ 4/3 corresponds to the transition where the adiabatic index
drops below 4/3. More detailed study by Blinnikov et al. (1996) shows that the photon gas
at temperature of 10 9 K begins to create pairs, and the adiabatic index sharply drops below
4/3. While exceeding temperature of 3×10 9 K, the adiabatic index becomes slightly higher
than 4/3 and asymptotically approaches 4/3. Pair creation instability resembles ionisation,
since a fraction of energy is spent not to increase the temperature, but to create pairs. The
result should be the development of a dynamical instability and the consequent implosion
because the pressure gradient is not able to compensate the gravitational attraction.

The mentioned explanation is applicable to the conditions occurring in the interior of
very massive stars after carbon exhaustion. The dynamical collapse of the oxygen core
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Figure 1.7: The plot from Zel’dovich et al. (1981) demonstrating the transition between two
states both with the same pressure-density relation (γ = 4/3). The left-hand straight line
corresponds to radiation-dominated pressure, and the right-hand straight line represents
the state in which both radiation and pairs contribute to pressure.

occurs if a large fraction of the core enters the instability region (γ < 4/3). According to
Kippenhahn & Weigert (1990), 40% (in mass) of the star should enter the instability region
in the density – temperature – diagram. The crucial characteristic quantity for massive
star evolution is the oxygen-core mass. The earliest estimates indicate a critical oxygen-
core mass of about 30 M� for the pair creation instability (Rakavy & Shaviv 1967). The
corresponding initial mass is about 65 M�. Recent results show that this limit in terms
of the initial mass is about 100 M� for metal free non-rotating stars (Heger & Woosley
2002).

The dynamical instability results in the collapse of the oxygen core and the consequent
explosive oxygen burning when temperature exceeds 2 × 10 9 K. When the amount of
energy produced by nuclear burning is high enough, the collapse ceases and is reversed
into an explosion. Even when the amount of the released nuclear energy is less than
the binding energy of the star, this can lead to the ejection of a fraction of the envelope
(Woosley et al. 2007a). After such an eruption the star relaxes to hydrostatic conditions
on a thermal timescale. If the remaining stellar mass is sufficiently high for pair creation
the star undergoes a second pair creation episode accompanied by another eruption. This
phenomena is the so-called “pulsational pair instability”. This scenario may occur for stars
with initial masses from 100 M� to 140 M�. After several such eruptions, the star cannot
undergo the pair-instability anymore, and finally collapses to a black hole.

For higher mass stars of about 140 – 260 M� with more massive oxygen cores, the energy
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generated during explosive oxygen and explosive silicon burning is sufficient to terminate
the collapse and reverse it to an explosion. The resulting thermonuclear explosion is known
as the pair instability supernova (PISN, hereafter) which completely destroys the star by
expelling the whole final mass into the circumstellar medium. Hence, PISNe are efficiently
enriching the interstellar matter with heavy elements. We discuss the nucleosynthetic
imprint of PISNe in Chapter 3.

The upper limit for this mass range (260 M�) corresponds to the case when all the
energy generated in the explosive burning is equal to the binding energy of the star (Bond
et al. 1982, 1984). Very roughly the amount of energy generated in oxygen and silicon
burning is:

E Oxygen
nucl.bind − E

Nickel
nucl.bind = Ebind , (1.9)

where Enucl.bind means the nuclear binding energy of the oxygen core (the sum of the
entire nuclear energy stored in the whole ensemble of nuclei) and Ebind is its gravitational
binding energy. However, it should be taken into account that only a fraction of oxygen
in the oxygen core is burnt, and in turn a fraction of silicon is converted into iron. The
estimated critical value of the oxygen core mass is 100 M� which corresponds roughly to
an initial stellar mass of 200 M�. More recent studies show that stars with an initial mass
above 260 M� (helium core mass higher than 137 M�) collapse to black holes after the
pair instability phase (Heger & Woosley 2002).

A number of factors can influence the growth of the oxygen core and the above-
mentioned mass range for pair instability explosions can vary accordingly. The most im-
portant consideration is chemical mixing. A variation of the convection parameters during
evolutionary calculations, in particular, the degree of overshooting can strongly change the
final size of the oxygen core (Langer & El Eid 1986; Meynet & Maeder 1987; Maeder &
Meynet 1987). These studies show that the minimum initial mass for the star to experi-
ence the pair creation instability varies between 100 M� and 120 M�. The corresponding
oxygen core mass is about 64 M�.

Rotationally-induced chemical mixing can also lead to an increase of the stellar core
mass (Heger et al. 2000; Hirschi et al. 2004; Yoon & Langer 2005; Yoon et al. 2012a; Yusof
et al. 2013). For a very high rotational velocity, even the so-called chemically homogeneous
evolution can occur, which can significantly reduce the lower initial mass limit for pair
instability progenitors (Yoon & Langer 2005; Yoon et al. 2012a; Chatzopoulos & Wheeler
2012). For example, a 65 M� star with an initial rotation of about 300 km/s can produce
a 60 M� pair instability progenitor (Yoon et al. 2012a; Chatzopoulos & Wheeler 2012).

Additionally, rotation acts against gravity and weakens the gravitational attraction.
The consequence of this is an increase of the mass limits for pair instability progenitor
(Glatzel et al. 1985; Carr & Glatzel 1986).

Nickel production and the connection to SLSNe

Pair instability explosions completely disrupt very massive stars. Consequently, many
tens of solar masses of newly produced heavy elements are expelled into the circumstellar
medium. Depending on the progenitor mass, 30 – 60 M� of hydrogen, 50 – 80 M� of



1.2. Evolution and final fates of massive stars 29

helium, 2 M� of carbon, about 40 – 50 M� of oxygen, 10 – 25 M� of silicon and up
to 55 M� of radioactive nickel (i.e., 56Ni) are returned into the surroundings (Heger &
Woosley 2002; Umeda & Nomoto 2002; Kozyreva et al. 2014b).

There is no other kind of supernova which enriches the interstellar medium so strongly.
For example, average nucleosynthetic yields of CCSN are: hydrogen — 10 M�, helium —
8 M�, carbon — 0.3 M�, oxygen — 3 M�, silicon — 0.4 M�, radioactive nickel — 0.2 M�
(see e.g., Patat et al. 1994; Woosley & Weaver 1995). An ordinary Type Ia SN, which
is believed to originate from a thermonuclear explosion of a carbon-oxygen white dwarf
at the Chandrasekhar limit, produces no hydrogen and helium, 0.3 – 0.5 M� of carbon,
0.1 – 0.4 M� of oxygen, 0.1 M� of silicon and 0.5 – 0.7 M� of radioactive nickel (Iwamoto
et al. 1999; Travaglio et al. 2004).

The most impressive case among other elemental yields is the amount of the produced
radioactive nickel 56Ni. Theoretical models indicate that PISNe from sufficiently massive
progenitors can produce large amounts of nickel (up to 55 M�) without any fine-tuned
assumption on the explosion physics. In contrast, the largest amount of nickel produced
during a typical CCSN explosion is limited to about 0.5 M� (Woosley & Weaver 1995;
Iwamoto et al. 1998; Limongi & Chieffi 2003; Umeda & Nomoto 2008; Heger & Woosley
2010). In principle, an extreme amount of nickel of up to about 6 M� can be produced in a
CCSN. However, that should correspond to an explosion of an unusually massive progenitor
having a helium core of about 40 M� with an exceptionally high explosion energy of up to
∼ 10 52 erg (Moriya et al. 2010).

The amount of radioactive nickel strongly affects the SN light curve and directly gov-
erns the late time luminosity. An extended mixing of nickel into the hydrogen-helium enve-
lope enhances the luminosity during the photospheric phase for some Type II supernovae
(Shigeyama & Nomoto 1990; Kasen & Woosley 2009). The peak luminosity of hydrogen-
deficient Type Ibc SNe is determined by the amount of radioactive nickel (Dessart et al.
2011).

The recently discovered superluminous supernovae (SLSNe) have peak luminosities
MV < −21 mag (L > 10 44 erg s−1) which is 2 – 3 magnitudes higher than those of usual
CCSNe11. Some of them appear as SNe Ic12 (Pastorello et al. 2010) having very high late
time luminosities (Gal-Yam 2012b). In particular, such properties support the presence
of large amounts of nickel powering the maximum and late time phases. Although there
exist other possible mechanisms which could explain these properties, the pair creation
mechanism remains one of the most natural ones. We discuss the application of PISNe to
SLSNe in the section 1.3.

1.2.3 260 – 5 × 10 4 M� stars

Stars in this mass range follow similar evolutionary stages as those of PISN progenitors
(140 – 260 M�) in general. Because of the weak dependence of Tc

ρc 1/3 ∼ M 1/6 on mass

11Absolute discovered luminosities of CCSNe range from – 14 mag to – 19 mag (i.e. 10 41−10 43 erg s−1)
Hamuy (2003b); Richardson et al. (2014).

12SN Ic is that lacking hydrogen and helium lines in the early spectra.
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(see equation 1.3) for very massive stars, the central temperature-density conditions after
core carbon exhaustion are almost the same as those of stars with masses 140 – 260 M�
(see section 1.2.2). As a result, the cores of stars of this mass range (260 − 5 × 10 4 M�)
also undergo the pair creation instability after carbon exhaustion in the core. However,
these stars have relatively low ratios of nuclear energy released from explosive burning
to binding energy of the star. Consequently, they cannot explode despite the explosive
nuclear burning due to the pair instability. The cores eventually collapse into black holes
following the on-going contraction resulting from the pair instability without displaying a
supernova phenomenon.

1.2.4 5 × 10 4 − 10 5M� stars

The existence of supermassive stars of 5 × 10 4 − 10 5M� is a matter of debate even for
the case of metal-free (Population III) stars (Sonoi & Umeda 2012). At the same time
these supermassive objects are interesting for the feedback to the evolution of the early
Universe as we explain below. Other studies, however, show no difficulties to form such a
supermassive stars and indicate their stability (Wagoner 1969a; Abel et al. 2002; Hosokawa
& Omukai 2009; Hosokawa et al. 2013, and references therein). Moreover, the presence of
these stars may be needed to explain the abundances of metal-poor stars (see e.g., Carr
et al. 1984; Abel et al. 2002; Denissenkov & Hartwick 2014).

Despite their high masses, supermassive stars do not collapse directly to black holes but
explode already at the beginning of their nuclear fusion history (Bisnovatyi-Kogan 1968;
Fuller et al. 1986; Whalen et al. 2013b; Chen et al. 2014).

These stars cannot have hydrostatic nuclear burning phases but undergo a brief quasi-
static contraction on a Kelvin-Helmholtz timescale accompanied by rapid nuclear burning.
It starts with the hot pp-cycle (also known as rapid proton capture, or rp-process) for
the case of zero-metallicity but the energy generated by this cycle is not large enough
to maintain the hydrostatic equilibrium of the star. The central temperature continues to
increase until the 3α-reaction starts. Once some carbon and oxygen are thus produced, the
hot βCNO-cycle starts to govern the evolution. The βCNO-cycle is a CNO-cycle limited
by the β+ decay lifetimes of 14O and 15O. If the metallicity differs from zero, hydrogen
burns via the βCNO-cycle from the beginning. The energy released from this βCNO-
cycle is sufficient to terminate the gravitational contraction and to explode the star as
a thermonuclear supernova. Chen et al. (2014) however show that their 55500 M� star
undergoes a static hydrogen burning during 1.7 Myr, and then following relativistic effects
explodes due to explosive helium burning. The amount of energy generated during an
explosion of supermassive star exceeds 10 55 erg.

In general the presence of these supermassive progenitors is possible only at very high
redshifts (z > 10) and it is difficult to discover the resulting supernovae. The light curves
of these supernovae are very broad according to the huge ejecta mass. It would be possible
for future missions to discover them during their long-lasting (up to 10 years) plateau
phase shifted to infra-red wavelengths (Whalen et al. 2013b). The shock breakout event
of this explosion is shifted from the ultraviolet/X-ray (usual for an average SNe-IIP shock
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breakout) to the visual band, and its duration and luminosity would be similar to an
average local supernova in the observer’s frame. However, the luminosity of the shock
breakout can be greatly weakened due to intergalactic absorption (Ride & Walker 1977;
Wilms et al. 2000; Richter et al. 2008; Willingale et al. 2013). Nevertheless, by chance such
a supernova can be discovered if it is gravitationally lensed (Patel et al. 2013; Nordin et al.
2014).

The result of such an explosion is the full disruption of the star. Similar to PISNe an
explosion of supermassive star ejects the whole mass (about 10 5 M�) into the circumstellar
medium (Johnson et al. 2013; Whalen et al. 2013e). The bulk elements are hydrogen and
helium with a fraction of CNO–elements for the case of initially metal-free stars. For the
case of Population II and possibly Population I13 the medium can also be enriched by some
other isotopes like 7Li, 13C, 17O, 25Mg, 26Al (Hillebrandt et al. 1987).

Even a small amount of angular momentum can strongly affect the above picture
(Fowler 1966b; Fricke 1974). The centrifugal force helps nuclear energy generation to
resist the gravitational contraction and reduce the general relativity effects (Fuller et al.
1986), which can hold the star in quasi-static equilibrium longer than in the case with-
out rotation. This allows to generate somewhat more heavy elements in the interiors of
supermassive stars than in the case of no-rotation, which is a subject of future study.

1.2.5 Beyond stability

The possibility of stars with masses up to 10 7 M� were discussed by Fowler (1966b) for the
explanation of quasi-stellar objects. Readers are referred to a number of reviews dedicated
to this problem for detailed explanations on the the general relativity effects which play
the most important role for the stability of objects with masses greater than a few 10 5 M�
(Fowler 1966a; Zel’dovich & Novikov 1971; Shapiro & Teukolsky 1983). Here we only want
to mention that such supermassive objects reach instability before any nuclear energy is
released and hence they immediately collapse to black holes on a dynamical timescale
(Fuller et al. 1986).

We summarize the above-discussed fates of massive, very massive and supermassive
stars in Figure 1.8. The nomenclature is according to Carr et al. (1984).

1.3 Superluminous supernovae

During the last few years a number of superluminous supernovae (SLSNe) has been discov-
ered (Gal-Yam et al. 2009; Quimby et al. 2011; Gal-Yam 2012a; Richardson et al. 2014).
Their peak luminosities in the optical band (MV . − 21 mag) exceed those of usual su-
pernovae by 2 – 3 magnitudes (i.e. by a factor of 10 in luminosity). Some of them were
classified as Type Ic SNe (Chomiuk et al. 2011; Inserra et al. 2013; Lunnan et al. 2013).

13Population I stars are those of about solar metallicity (Z = 0.02). Population II is an environment
with a metallicity of 10−4 − 10−3. Population III stars are born at metal free circumstances (i.e. zero
metallicity, Z = 0).
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Figure 1.8: Schematic illustration of the fate of massive, very massive and supermassive
stars. The labels and acronyms mean: “NS” — neutron star, “BH” — black hole, SN —
supernova, “CCSN” — core-collapse supernova, “Pairs” — pair creation instability, “PISN”
— pair instability supernova,“Puls PISN” — pulsational pair instability supernova.
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One of the most extensively discussed supernovae of this kind is SN 2007bi (Gal-Yam et al.
2009). Some other SLSNe have very broad light curves and low photospheric velocities,
and are classified as Type IIn supernovae14.

There are three possible engines for supernovae to reach such extreme luminosities:

1. The nickel-powered mechanism,

2. The interaction-powered mechanism,

3. The magnetar-powered mechanism.

We briefly explain each of them below.

1.3.1 Nickel-powered SLSNe

It has been argued for unusually large amounts of radioactive material (namely 56Ni)
produced during the explosion to explain the high peak luminosities, slow declines of the
light curves and spectral features of some SLSNe (see Gal-Yam 2012a, for a review). The
best candidate for this subtype is SN 2007bi (Gal-Yam et al. 2009). The spectral and
photometric analyses of SN 2007bi indicate that more than 3 M� of nickel were ejected
during the explosion15. Ordinary core-collapse Type II and Type Ibc supernovae produce
no more than about 0.5 M� of radioactive nickel (cf. Drout et al. 2011). Nevertheless,
theoretically it is possible to produce up to about 6 M� of nickel from CCSN explosions
but this requires an unusually high explosion energy exceeding 10 52 erg (Moriya et al.
2010). As we discussed above, however, the most natural way to produce such a large
amount of nickel to explain SN 2007bi is a PISN explosion, for which the supernova energy
is not a tuning parameter. In Chapter 4 we discuss this possibility in a detailed way.

1.3.2 Interaction-powered SLSNe

If a star explodes into a relatively dense circumstellar environment, the interaction of
the supernova ejecta with the circumstellar matter may result in a peculiar supernova
(Chevalier 1981, 1982; Smith 2014). One of the main characteristics of such interaction
supernovae is strong narrow-lined emission in the spectra (Drake et al. 2010; Quimby et al.
2011). Therefore, these supernovae are classified as Type IIn supernovae (“n” = narrow).
Some of SNe IIn display high peak luminosities and appear as SLSNe. The best example
is SN 2006gy (Agnoletto et al. 2009). Some of them are also accompanied by a relatively
high ultraviolet luminosity, for instance SN 2009kf Botticella et al. (2010).

The powering energy comes from the collision of the supernova ejecta with the matter
surrounding the supernova progenitor. In this case, instead of a typical shock breakout

14SNe IIn are Type II SNe with narrow hydrogen emission lines in their spectra
15Recently several authors pointed out that an energy input by a milliseconds magnetar can also explain

the observed light curves of this supernova (Kasen & Bildsten 2010; Dessart et al. 2012b; Inserra et al.
2013), and the PISN origin of SN 2007bi is still a matter of debate.



34 Chapter 1. Introduction and thesis outline

event, the radiation-driven shock deposits energy into the surrounding matter. Their pro-
genitors are believed to be massive stars that undergo very strong steady winds or sporadic
mass eruptions due to strong pulsations prior to their explosion like Luminous Blue Vari-
ables (LBVs) (e.g., Humphreys & Davidson 1994; Vink 2012; Fadeyev 2011, 2012; Blinnikov
& Sorokina 2010; Chevalier & Irwin 2011; Moriya et al. 2011; Chevalier 2012; Moriya et al.
2013).

The interaction scenario usually considers core-collapse supernova explosions at a mod-
erate kinetic energy of 3 – 5 foe16. The mass of the circumstellar medium consists of
3 – 10 M� of dense matter. However, the case of SN 2006gy can also be explained by
the interaction of the ejecta with the shells made during the pulsational pair-instability
episode (Woosley et al. 2007a; so-called “pulsational pair instability supernovae” men-
tioned in section 1.2.2). SLSNe caused by interaction need not always appear as Type IIn.
The interaction of the supernova shock with a super-extended steady wind can explain the
behavior of superluminous SNe II with linearly declining light curves (SN IIL, Blinnikov
& Bartunov 1993; Young et al. 2005). In this case the shock breaks out in the surrounding
wind and produces a high peak optical luminosities.

In the interaction scenario, there is no need of radioactive nickel for explaining the
peak luminosities of the supernovae — the amount of radioactive material could be similar
to that of average CCSNe (∼ 0.05 M�). Since the maximum luminosity in interaction
supernovae does not depend on the amount of radioactive nickel, such interaction models
can assume an arbitrary amount of nickel. This property can be applied to supernovae
with a fast decline, for instance SN 2005kj and SN 2006aa Taddia et al. (2013).

1.3.3 Magnetar-powered SLSNe

The light curves of at least some SLSNe often have a short rise time (Nicholl et al. 2013)
and, therefore could not possibly involve very massive stars (Inserra et al. 2013; Nicholl
et al. 2013). For those, the magnetar-driven mechanism proposed by a few studies appears
promising in the frame of SLSNe (Woosley 2010; Kasen & Bildsten 2010; Dessart et al.
2012b).

It is believed that a small fraction of neutron stars are born with very strong magnetic
fields (10 14 Gauss) and rapid rotation (periods of several to ten ms) (Ferrario & Wickra-
masinghe 2008; Heras 2012). In the presence of such magnetars the light curve of usual
core-collapse SN Ibc or SN II explosions could be changed drastically. Firstly, during the
maximum phase the newly born magnetar adds a large fraction of thermalized spin-down
energy into the ejecta and strongly increases the peak luminosity. The deposited energy is
provided by rapid rotation. Secondly, at later times it continues to power the supernova
light keeping it at a high level for a long duration after the luminosity peak. Therefore,
the light curve can have a fast rise and a long-lasting tail.

The simulations involving magnetar radiation include a finite number of parameters.

161 foe ≡ 10 51 erg is an average explosion energy of core-collapse supernova. The abbreviation originates
from the phrase “fifty one erg”
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These are the usual ones for CCSN calculations (i.e. ejecta mass, explosion energy, mass-
cut, fall-back) along with additional parameters related to the magnetar, namely, its mag-
netic field strength and spin period. Recent observational studies indicate that a number
of superluminous SNe Ic can be best explained by magnetars (Inserra et al. 2013; Nicholl
et al. 2013). Some very luminous SNe IIL and IIP can also be explained by the magnetar
scenario (Kasen & Bildsten 2010; Barkov & Komissarov 2011).

1.4 Motivation for the thesis work

The interest in pair instability explosions has rapidly grown during the last several years.
One of the reasons is the discovery of superluminous supernova (SLSN) in 2007 (SN 2007bi,
Gal-Yam et al. 2009). The high peak luminosity of this supernova (– 21.6 mag), its
long-lasting light curve and spectral estimates strongly implies a large amount of nickel
produced during the explosion (> 3 M�). This is far above the average nickel amount
produced in core-collapse supernovae (0.1 – 0.2 M�) and type Ia supernovae (0.5 M�).
This property can be best explained by the pair instability supernova (PISN) mechanism
as discussed above (Section 1.3; Heger & Woosley 2002; Umeda & Nomoto 2002; Langer
2009). Although other possibilities like very energetic core-collapse supernova explosions or
magnetar-powered supernovae have also been suggested (Woosley 2010; Kasen & Bildsten
2010; Dessart et al. 2012b; Inserra et al. 2013; Nicholl et al. 2013), SN 2007bi still remains
the best candidate for a PISN in the local Universe.

As discussed above, a PISN progenitor has to be very massive (140 M� . M .
260 M�). The existence of such very massive stars in the nearby Universe is well confirmed
as mentioned in Sect. 1.1 (see also Crowther et al. 2010; Schneider et al. 2014), and their
initial masses may be up to about 300 M�. These very massive stars are supposed to
lose mass rapidly during their entire evolution via strong stellar winds and/or episodic
eruptions, given that their luminosities are close to the Eddington limit (Vink et al. 2011).
The stellar wind mass loss rate is usually higher for a higher metallicity in the star because
of the strong impact of metal lines on the radiation pressure at the stellar surface (e.g.,
Vink et al. 2001). This means that very massive stars would lose too much mass to produce
a PISN with a metallicity higher than a certain limit.

Recent stellar evolution models by Langer et al. (2007) and Yusof et al. (2013) indicate
that the metallicity threshold for PISN progenitors (ZPISN) can be as high as Z = 0.006,
which is comparable to the metallicity of the Large Magellanic Cloud. Langer et al. (2007)
point out that one PISN out of 1000 supernovae can occur with such a metallicity limit (i.e.,
ZPISN ≈ 0.006). This raises the following important questions: How can we distinguish
PISNe from other supernovae? Can we confirm that some of the observed superluminous
supernovae like SN 2007bi have a PISN origin?

Therefore, we were motivated to calculate the realistic evolution of possible PISN pro-
genitors, i.e. the evolution of stars with initial masses of about 140 – 260 M�. So far there
have been mostly successful self-consistent models at zero metallicity (El Eid et al. 1983;
Heger & Woosley 2002). These models are applicable only for an environment lacking in
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metals, i.e., the early Universe. It is important to note that many of the discovered SLSNe
are located in galaxies with metallicities far from zero (see e.g. Young et al. 2010; Neill
et al. 2011). The above-mentioned superluminous SN 2007bi exploded in a dwarf galaxy
with a metallicity of about Z�/3 (Young et al. 2010). This observational fact requires
the computation of evolutionary models which possess a reasonable fraction of elements
heavier than helium. The evolution of stars strongly depends on the fraction of metals and
differs for those lacking of them.

Another reason for activating a study on PISNe in the local Universe lies in the nucle-
osynthetic signature of these explosions. According to theoretical predictions the progenitor
star of a PISN is completely disrupted during the explosion. This should greatly affect
the chemical condition in which the next generations of stars are formed. Note that these
explosions might have been one of the first contributors to the enrichment of the medium
with metals in the early Universe. Abundances of elements in extremely metal-poor stars
in our Galaxy measured recently, however, contradict the PISN yields (Umeda & Nomoto
2003; Frebel et al. 2005). Nevertheless, the question is not fully understood yet and needs
more precise methods for measuring the abundances. At the same time detailed calcula-
tions of PISN yields exist only for metal free or extremely metal poor models (Heger &
Woosley 2002; Umeda & Nomoto 2002). The study by El Eid & Langer (1986) was done for
the solar metallicity but gives only the approximate mass distribution of a limited number
of species.

Models for PISNe at solar metallicity were computed by Langer & El Eid (1986) and
El Eid & Langer (1986). However, the nuclear network used for these calculations included
only a simple α−chain network for the advanced nuclear evolution. Langer et al. (2007)
and Yusof et al. (2013) presented PISN progenitor models at metallicities of 0.001 and
0.002/0.006, respectively. The calculations by Langer et al. (2007) were terminated prior
to the explosive burning phase and those by Yusof et al. (2013) were done with a nuclear
network limited by magnesium isotopes and the neon burning phase, and stop prior to
oxygen ignition (for a description of the network see Ekström et al. 2012). Therefore, we
found a lack of self-consistent detailed calculations of PISN for the local Universe.

This thesis aims to explore the consequences of local PISNe using an extensive nuclear
network in the stellar evolution code for nucleosynthesis calculations, and a radiation hy-
drodynamics code for the supernova light-curve modelings, as a follow-up study of Langer
et al. (2007). For this purpose, we chose two models with initial masses of 150 M� and
250 M� at a metallicity 0.001 from Langer et al. (2007) and calculated their evolution
from core carbon exhaustion through the pair instability explosion using the last version of
the Binary stellar evolution code (Yoon et al. 2010) with our newly implemented extended
nuclear network (Chapter 3). Then, the shock breakout and light curve of the resulting
supernovae were calculated with the radiation hydrodynamics code STELLA developed by
Blinnikov (Blinnikov & Tolstov (2011), Chapter 4).

More specifically, the aims of this thesis are:

1. to follow the evolution of PISN progenitors of 150 M� and 250 M� with an initial
metallicity of 0.001 throughout the explosive nuclear burning phase,



1.5. Thesis content 37

2. to provide the detailed nucleosynthesis of these PISN models and investigate the con-
tribution of PISNe compared to core-collapse supernovae to the chemical evolution,

3. to compute the explosions of these PISNe with a radiation hydrodynamics code and
to discuss the observational properties of PISNe exploding in the local Universe, and

4. to compare the simulated light curves and other photospheric characteristics of our
PISNe with observed luminous and superluminous supernovae.

1.5 Thesis content

• Chapter 2. Nuclear networks.

In Chapter 2, we briefly explain the nuclear burning stages in the interior of massive
stars. For the purpose of our thesis work, we had to implement a silicon burning net-
work into the stellar evolution code. Therefore, we describe specific details on silicon
burning, and the corresponding assumptions and prescriptions adopted in the net-
work. We discuss details about improving the nuclear network and implementation of
silicon burning in the stellar evolution code. In the thesis work we extended the nu-
clear network up to germanium isotopes (the overall number of isotopes is 204) that
involves 2134 reaction rates using the F. Timmes’ public nuclear network (Timmes
1998, 1999). We also constructed an energy generation rate table for the evolutionary
calculations during silicon burning, which enables stable and rapid stellar evolution
calculations.

• Chapter 3. Explosion and nucleosynthesis of low redshift pair instability supernovae

Based on the modification of the nuclear network, we computed two PISN models
of 150 M� and 250 M� at a metallicity 0.001 from core carbon exhaustion until the
on-going explosion. The early evolution of our models is described in Langer et al.
(2007). We emphasize that these models are applicable to observed supernovae ex-
ploding in the local Universe. We present a nucleosynthesis analysis comparing the
nucleosynthetic yields of our models with those of zero-metal PISN models. Addi-
tionally, we analyse the nucleosynthetic yields of one generation of stars including
massive and very massive star, i.e. yields of both CCSNe and PISNe. We briefly
discuss the signature of the PISN contribution to the chemical evolution of the local
Universe.

• Chapter 4. Observational properties of low redshift pair instability supernovae.

We were also motivated to compare observational properties of our PISN explosions
with observed luminous and superluminous supernovae. For this purpose we mapped
our evolutionary models (150 M� and 250 M�) into the radiation hydrodynamics
code STELLA and computed the appearance of the shock breakout events and the
photospheric evolution. We compare both models with observed supernovae. We
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found that our 150 M� PISN model resembles bright SNe IIP and our higher mass
PISN resembles a superluminous SN Ic during its maximum phase. We conclude the
chapter with a list of criteria which can help to distinguish PISNe from CCSNe.

• Chapter 5. Summary

Chapter 5 contains the summary and the overall conclusions of this work, as well as
an outlook.



Chapter 2

Nuclear networks

This chapter briefly describes the nuclear reaction networks

needed for stellar evolution calculations. The improvement

of the nuclear network in the evolution code used for this

thesis work is explained. This mainly concerns the imple-

mentation of silicon-burning reactions that are needed for

simulating pair-instability supernova explosions. The per-

formance and application of the new networks are discussed.

2.1 Thermonuclear fusion in stars

The life of a star consists of several nuclear “burning” stages. These are the sequential
phases of core thermonuclear burning of hydrogen, helium, carbon, neon, oxygen, and
silicon (Bethe 1939; Fowler 1954; Burbidge et al. 1957; Wallerstein et al. 1997). Ther-
monuclear reactions at the stellar center cease with the formation of an iron core, since no
exothermic fusion reaction can occur beyond this point.

Stars spend most of their lives (up to 90%) on processing hydrogen into helium in the
core, and most of the rest on core helium burning. The advanced burning stages beyond
helium burning last for a very short time compared to the main hydrogen and helium
burning phases. Table 2.1 presents the various nuclear burning timescales in massive stars
of 15 M� and 25 M�. Due to such successive burning stages a massive star has a layered
chemical structure at the end of its life.

Many massive stars are believed to end their lives in spectacular supernovae (Heger
et al. 2003). By observing successive supernova spectra one can follow the photosphere of
the ejecta moving inwards. The photosphere thus works as a scanner of the radial chemical
stratification (Filippenko 1997; Elmhamdi et al. 2003). At early times, hydrogen Balmer
lines are most prominent in hydrogen-rich type II SNe. At late times, helium, oxygen,
sodium, calcium, silicon and other intermediate elements successively become visible spec-
troscopically. The photospheres of Type Ib SNe start being located in helium-rich layers
early on and in inner shells composed of heavy elements at later times. Type Ic SNe show
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firstly intermediate mass elements like silicon, and more heavy elements become visible
later.

Supernova remnants provide another probe to look at the chemical structure of a star
after its death. Remnants of type Ia supernovae, which originate from thermonuclear
explosions of carbon-oxygen white dwarfs in close binary systems (Taam 1980; Iben &
Tutukov 1984), indeed display a layered chemical structure (Lewis et al. 2003; Kosenko
et al. 2010; Lopez et al. 2011). However, remnants of core-collapse explosions appear less
chemically stratified. The reason for this may be that chemical mixing due to Rayleigh-
Taylor instabilities occurs more efficiently in core-collapse explosions than in thermonuclear
supernovae (Joggerst et al. 2009).

To correctly interpret these observations, we need to construct models of supernova
progenitors with an evolutionary code that properly considers the most important isotopes
and nuclear reactions for the entire evolutionary history of stars. The energy generated
in nuclear reactions can heat the matter and create sufficient pressure to balance the
gravitational attraction to maintain the hydrostatic equilibrium of the star. Therefore,
it is important to consider all meaningful burning processes with appropriate rates that
contribute to the energy balance.

Changes in the nuclear reaction rates can have a great impact on the evolution of stars.
The reaction 12C(α, γ)16O provides the most prominent example (Caughlan & Fowler
1988). As shown by Weaver & Woosley (1993), the chemical structure, final core masses
and nucleosynthetic yields can vary significantly for different values of the multiplier to the
basic value of this rate. Another example is the evolution of supermassive stars for which
the maximum value of the energy generation rate of the CNO-cycle can determine whether
a star explodes or collapses (Fricke 1973).

Before this thesis work, the stellar evolution code of the Bonn stellar physics group
employed a nuclear network that could follow the evolution until oxygen burning (Yoon
et al. 2006, 2010). Given that we are interested in pair-instability explosions that involve
nuclear fusions beyond this, the nuclear network had to be revised accordingly, which is
described below.

2.2 Nuclear networks for stellar evolution

To model pair-instability supernovae properly, we implemented two different nuclear net-
works that include silicon burning. One is a simplified network limited to 39 isotopes.
This network allows to take the major isotopes including 4He, 12C, 16O, 20Ne, 24Mg, 28Si,
32S, and 56Ni into account and hence accounts for the main energy production contributors
(Timmes et al. 2000). This network was constructed for a pilot study of the thesis to test
the capability of the code for modeling pair-instability explosions. The second network is
based on the Torch code by F. Timmes and consists of 200 isotopes (Timmes 1998). This
network allows to follow the detailed nucleosynthesis during the pre-supernova evolution of
massive stars, although it is computationally more expensive than the 39 isotopes network
(see Chapter 3). Here we explain the technical details on this development.
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Table 2.1: Evolutionary timescales of the burning stages in massive stars. Data are taken
from Weaver et al. (1978); Woosley et al. (2002); Hirschi et al. (2004); Chieffi & Limongi
(2013) (references 1,2,3,4 in the table respectively) together with the names of the codes
that were used to produce the data. All models are at solar metallicity and non-rotating.

Burning H He C Ne O Si
stage Myr Myr kyr yr yr reference
Time 15 M�

12.4 1.3 6.4 7 1.8 6 d Kepler (1)
11.1 2 2 0.7 2.6 18 d Kepler (2)
11.3 1.3 4 3 2.4 30 mins Geneva (3)
13.1 0.9 21 15.5 3.4 7.2 h Franec (4)

Time 25 M�
7.3 0.7 0.2 1.2 0.5 1.4 d Kepler (1)
6.7 0.8 0.5 0.9 0.4 16.8 h Kepler (2)
6.6 0.7 0.3 0.9 0.3 5 mins Geneva (3)
7.2 0.5 12 5.2 1.2 2.4 h Franec (4)

T , K 3.5× 107 1.8× 108 8.3× 108 1.6× 109 1.9× 109 3.3× 109 Kepler (2)
15 M�

2.2.1 Nuclear networks and silicon burning

Mathematically a nuclear network can be described as a system of differential equations.
Each equation takes into account all reactions that contribute to the abundance change of
a given isotope, and can be written as the following:

dYk
dt

=
∑
ij

RijYiYj −
∑
i

RikYiYk , (2.1)

where the first term in the right-hand side is responsible for the reactions producing a
given isotope k (from isotopes i and j) and the second term is responsible for the reactions
destroying the isotope k. The factor R is the reaction rate which depends on individual
cross sections and has a steep dependence on temperature and density (Timmes 1999).

The system can be rewritten in matrix form:

Ẏ = AY . (2.2)

In general the matrix elements of A differ by orders of magnitude because the reaction
rates are non-linearly dependent on thermodynamical conditions. This property of the
nuclear network matrix is called “stiffness”. Another important feature is the sparseness
of the matrix A. Solving such a system of equations is not trivial because the large scatter
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Table 2.2: The Jacobian matrix for our simplified nuclear network describing silicon burn-
ing. An empty cell means a zero Jacobian element. A cell with a circle means a non-zero
Jacobian element.

H He C O Ne Mg Si S Ar Ca Ti Cr Fe Ni
H ◦ ◦ ◦ ◦ ◦ ◦ ◦ ◦ ◦ ◦
He ◦ ◦ ◦ ◦ ◦ ◦ ◦ ◦ ◦ ◦ ◦ ◦ ◦ ◦
C ◦ ◦ ◦
O ◦ ◦ ◦ ◦
Ne ◦ ◦ ◦ ◦ ◦
Mg ◦ ◦ ◦ ◦ ◦ ◦
Si ◦ ◦ ◦ ◦ ◦ ◦ ◦
S ◦ ◦ ◦ ◦ ◦ ◦

Ar ◦ ◦ ◦ ◦ ◦
Ca ◦ ◦ ◦ ◦ ◦
Ti ◦ ◦ ◦ ◦ ◦
Cr ◦ ◦ ◦ ◦ ◦
Fe ◦ ◦ ◦ ◦ ◦
Ni ◦ ◦ ◦ ◦

of the element values should be properly considered. The solver for such a system should
be an accurate implicit solver that can deal with a stiff and sparse system (Timmes et al.
2000).

In particular, silicon burning is different from carbon and oxygen burnings that involve
fusion of two equal nuclei. A temperature of ∼ 4× 10 9 K does not support the condition
for reaction 2 28Si→ 56Ni because the kinetic energy of the silicon nuclei is not sufficient to
exceed the Coulomb barrier. During the silicon burning stage the main reactions involve
the α-chain isotopes that capture and release α-particles. There is also an additional
set of flows including proton capture and release that plays an important role for silicon
burning. This can be included into the α−chain network implicitly. This property makes
the silicon-burning network very stiff, compared to other nuclear burning processes.

To show the structure of a nuclear network, the Jacobian matrix J is often used, which
is defined as J = ∂A

∂Y
(2-dimensional matrix). Its entries represent flows of the reactions

involving two given isotopes (the intersection of the corresponding row and column). Ta-
ble 2.2 demonstrates the Jacobian for the simplified nuclear network representing silicon
burning, namely the α-chain network. Other examples of Jacobian matrices for nuclear
networks including 13, 19, 47, 76, 127, 200 and 487 isotopes can be found in Timmes
(1999).
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2.2.2 Implementation of silicon burning in the Binary Evolution
Code

In this thesis we focus on the late stages of stellar evolution. These are all burning stages
beyond core hydrogen and core helium burning (Wallerstein et al. 1997; Woosley et al.
2002). So far the Binary Stellar Evolution Code (BEC) of the Bonn stellar physics group
had a nuclear network including up to oxygen burning. The old version of the network is
fairly comprehensible for describing core hydrogen and helium burning.

Table 2.3: The lists of isotopes for the old and revised nuclear networks in BEC. “Explicit”
isotopes are explicitly involved into the reaction network. “Implicit” isotopes participate
in the network implicitly. See section 2.2.2 for details.

old new old new
explicit implicit explicit implicit

1
0n

1n 19
9 F

1
1H 1

1H 20
10Ne 20

10Ne
2
1H 2

1H 21
10Ne 21

10Ne
3
2He 3

2He 22
10Ne 22

10Ne
4
2He 4

2He 23
11Na 23

11Na
6
3Li 6

3Li 24
12Mg 24

12Mg
7
3Li 7

3Li 25
12Mg 25

12Mg
7
4Be 7

4Be 26
12Mg 26

12Mg
9
4Be 9

4Be 26
13Al

8
5B 8

5B 27
13Al 27

13Al
10
5 B 10

5 B 28
14Si 28

14Si
11
5 B 11

5 B 29
14Si 29

14Si
11
6 C 11

6 C 30
14Si 30

14Si 31
15P

12
6 C 12

6 C 32
16S 35

17Cl
13
6 C 13

6 C 36
18Ar 39

19K
12
7 N 12

7 N 40
20Ca 43

21Sc
14
7 N 14

7 N 44
22Ti 47

23V
15
7 N 15

7 N 48
24Cr 51

25Mn
16
8 O 16

8 O 52
26Fe 55

27Co
17
8 O 17

8 O 56
26Fe 56

26Fe
18
8 O 18

8 O 56
28Ni

To calculate the final stages of stellar evolution and pair-instability explosions, the
code should include oxygen and silicon burning. For this reason we modified the list of
involved isotopes and reactions. The first step of this task was to implement a simplified
network based on the network already implemented into the code. Table 2.3 shows the
isotopes included in the old and new versions of the nuclear network. Table 2.4 shows the
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corresponding list of nuclear reactions.

Table 2.4: Old list of nuclear reactions with the list of additional reactions used in the
extended network. The old network is used for hydrogen, helium and carbon burning. The
full list of reactions is suitable for complete oxygen burning and simplified silicon burning.

old list additional
explicit implicit

1 2p(p, e+ν)3
2He

2 3
2He(3

2He, 2p)α
3 α(3

2He, γ)7
4Be

4 2α(α, γ)12
6 C 12

6 C(γ, γ)3α
5 6

3Li(p, α)3He
6 7

3Li(p, α)α
7 7

3Li(α, γ)11
5 B

8 7
4Be(e−, ν)7

3Li
9 7

4Be(3
2He, 2p)2α

10 7
4Be(p, γ)8

5B
11 7

4Be(α, γ)11
6 C

12 9
4Be(p,D)2α

13 9
4Be(p, α)6

3Li
14 8

5B(e+, ν)2α
15 8

5B(α, p)11
6 C

16 8B5(γ, p)7
4Be

17 10
5 B(p, α)7

4Be
18 11

5 B(p, γ)12
6 C

19 11
5 B(p, γ)3α

20 11
6 C(e+, ν)11

5 B
21 11

6 C(p, γ)12
7 N

22 12
6 C(p, γ)13

6 C
23 12

6 C(n, γ)13
6 C

24 12
6 C(α, γ)16

8 O
25 12

6 C(12
6 C, α)20

10Ne
26 12

6 C(12
6 C, p)23

11Na
27 13

6 C(p, γ)14
7 N

28 13
6 C(α, n)16

8 O
29 12

7 N(e−, ν)12
6 C

30 14
7 N(p, γ)15

7 N
31 14

7 N(α, γ)18
8 O

32 15
7 N(p, α)12

6 C
33 15

7 N(p, γ)16
8 O

34 15
7 N(2α, γ)23

11Na
continuing at the next page
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old list additional
explicit implicit

35 16
8 O(α, γ)20

10Ne 16
8 O(γ, α)12

6 C
36 16

8 O(12
6 C, α)24

12Mg
37 16

8 O(16
8 O, α)28

14Si 16
8 O(16

8 O, γ)32
16S 16

8 O(16
8 O, p)31

15P
38 17

8 O(p, α)14
7 N

39 16
8 O(p, γ)17

8 O
40 17

8 O(p, γ)18
8 O

41 17
8 O(α, n)20

10Ne
42 18

8 O(p, α)15
7 N

43 18
8 O(α, γ)22

10Ne
44 20

10Ne(α, γ)24
12Mg

45 20
10Ne(n, γ)21

10Ne
46 20

10Ne(γ, α)16
8 O

47 21
10Ne(α, γ)25

12Mg
48 21

10Ne(α, n)24
12Mg

49 21
10Ne(n, γ)22

10Ne
50 22

10Ne(α, γ)26
12Mg

51 22
10Ne(α, n)25

12Mg
52 23

11Na(p, α)20
10Ne

53 23
11Na(p, γ)24

12Mg
54 24

12Mg(α, γ)28
14Si 24

12Mg(γ, α)20
10Ne 24

12Mg(α, p)27
13Al(p, γ)28

14Si
55 24

12Mg(n, γ)25
12Mg

56 25
12Mg(n, γ)26

12Mg
57 25

12Mg(α, n)28
14Si

58 25
12Mg(α, γ)29

14Si
59 26

12Mg(α, n)29
14Si

60 26
12Mg(α, γ)30

14Si
61 28

14Si(n, γ)29
14Si 28

14Si(γ, α)24
12Mg 28

14Si(γ, p)27
13Al(p, α)24

12Mg
28
14Si(α, γ)32

16S 28
14Si(α, p)31

15P(p, γ)32
16S

62 29
14Si(n, γ)30

14Si
32
16S(γ, α)28

14Si 32
16S(γ, p)31

15P(p, α)28
14Si

32
16S(α, γ)36

18Ar 32
16S(α, p)35

17Cl(p, γ)36
18Ar

36
18Ar(γ, α)32

16S 36
18Ar(γ, p)35

17Cl(p, α)32
16S

36
18Ar(α, γ)40

20Ca 36
18Ar(α, p)39

19K(p, γ)40
20Ca

40
20Ca(γ, α)36

18Ar 40
20Ca(γ, p)39

19K(p, α)36
18Ar

40
20Ca(α, γ)44

22Ti 40
20Ca(α, p)43

21Sc(p, γ)44
22Ti

44
22Ti(γ, α)40

20Ca 44
22Ti(γ, p)43

21Sc(p, α)40
20Ca

44
22Ti(α, γ)48

24Cr 44
22Ti(α, p)47

23V(p, γ)48
24Cr

48
24Cr(γ, α)44

22Ti 48
24Cr(γ, p)47

23V(p, α)44
22Ti

48
24Cr(α, γ)52

26Fe 48
24Cr(α, p)51

25Mn(p, γ)52
26Fe

52
26Fe(γ, α)48

24Cr 52
26Fe(γ, p)51

25Mn(p, α)48
24Cr

continuing at the next page
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old list additional
explicit implicit

52
26Fe(α, γ)56

28Ni 52
26Fe(α, p)55

27Co(p, γ)56
28Ni

56
28Ni(γ, α)52

26Fe 56
28Ni(γ, p)55

27Co(p, α)52
26Fe

Simplified α-chain network

Reaction rates implemented in BEC are taken from Cameron (1959a); Fowler et al. (1975);
Harris et al. (1983); Filippone (1985); Caughlan et al. (1985); Filippone (1986); Caughlan
& Fowler (1988). We increased the number of significant digits in reaction rate expressions
where the numerical coefficients were rounded. The prescription on screening factors are
based on Graboske et al. (1973).

We completed the carbon and oxygen burning network with the necessary reactions
(Table 2.4). For the main carbon and oxygen burning reactions we set the following
fractions on the reaction channels based on Cameron (1959a,b); Caughlan & Fowler (1988);
Timmes (1998); Woosley et al. (2002):

12C +12 C −→ α +20 Ne 1

−→ p+23 Na 0

−→ n+23 Mg 0

(2.3)

12C +16 O −→ α +20 Ne 0.5

−→28 Si 0.5

−→ p+27 Al 0

(2.4)

16O +16 O −→ α +28 Si 0.56

−→ p+31 P 0.34

−→32 S 0.1

(2.5)

We also implemented the α-chain network (shown in Figure 2 of Timmes et al. (2000))
for silicon burning. Implicit isotopes with an odd charge number (27Al, 31P, 35Cl etc.)
involved in proton flows assumed to be in nuclear equilibrium: the number of produced
nuclei is compensated by the number of captured nuclei. The necessary reactions concern-
ing proton flows are therefore treated implicitly. These isotopes are not explicitly included
in isotope array and the corresponding reactions are not explicitly included in the Jacobian
matrix. Instead, these proton flows are implicitly added to the main reaction rates.

As an example let’s consider 28Si (Figure 2.1) and the additional proton flow for this
isotope. The additional term related to 28Si destruction is:

R− = − R(p, γ)

R(p, α) +R(p, γ)
, (2.6)

and the additional term related to 28Si production is:

R+ =
R(p, α)

R(p, α) +R(p, γ)
, (2.7)
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Figure 2.1: Illustration of α− and proton flows in the α-chain nuclear network.

where R(p, α) and R(p, γ) are channels for 31P destruction. Note that the 31P abundance
is kept constant at its equilibrium value.

Approaching NSE

After reaching the nuclear statistical equilibrium (NSE) condition at about T & 4.6×10 9 K
the abundances of isotopes are calculated by F. Timmes’ public NSE subroutine. Just
before approaching the NSE critical temperature we made a smooth transition from the
ordinary network to the NSE routine for a temperature range of T = 4− 4.6× 10 9 K, by
means of linear interpolation of the energy generation rate. This was done to avoid any
discontinuity at the NSE critical condition (TcritNSE = 4.6× 10 9 K).

Numerics

The first comparison between the isotope evolution calculated with the revised nuclear
network, which involves α−chain, and that with the Torch network of F. Timmes (Timmes
1998) showed discrepancy as demonstrated in Figure 2.2.

The inspection showed that the solver implemented in BEC for the nuclear network
did not work correctly for the revised network. By default the solution was built on the
linearization method described in Wagoner (1969b) which is based on the 2nd order Runge-
Kutta method of solving a system of differential equations. The final sparse matrix for
the derived system of algebraic equations had a specific form for which the solution was
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Figure 2.2: Comparison of the isotopic evolution calculated with the revised nuclear net-
work (which involves α−chain) and the Torch network of F. Timmes before (blue line)
and after (green line) improvement of the solver. Pure silicon burning is simulated at
thermodynamic conditions T = 3× 10 9 K, ρ = 10 8 g cm−3.

obtained by the pseudo-Gaussian elimination (Prantzos et al. 1987).
Due to the changes in the set of isotopes and list of reactions, the matrix form was

modified accordingly. Therefore, the solution provided by the old solver was only approx-
imate. Using this approximation as a “predictor” we improved it by adding a “corrector”
as described in McCracken & Dorn (1965). We also switched to an ordinary Gaussian
elimination because the pseudo-Gaussian elimination cannot be applied with the addition
of some isotopes any more. This modification finally gives the same solution as the Torch
network as illustrated in Figure 2.2.

The Torch network

The simplified α−chain network can describe the energy generation rate reasonably well
for nuclear reactions that do not involve weak interactions (Timmes et al. 2000). This
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network is therefore useful for certain applications like modeling super-massive stars (see
Section 2.3). The energetics of PISNe can also be correctly represented with this network
since the neutronization in the core of PISN progenitors is not significant enough to affect
the nuclear energy generation. However, considering weak interactions is important for a
study on the PISN nucleosynthesis because even a small degree of neutronization may have
an interesting consequence in terms of the nucleosynthetic yields as discussed in Chapter 3.

To overcome this shortcoming, the Torch network by F. Timmes (Timmes 1998; Timmes
et al. 2000) has also been implemented in BEC. This code is computationally much more
expensive than the simplified α−chain network, but includes all the necessary weak inter-
actions that are needed to model PISN explosions. The number of isotopes in the routine
can be flexibly chosen such that options from 47 to 3302 isotopes are currently available in
BEC. For our PISNe models we used 200 isotopes. More details on the use of this routine
for our PISN models are discussed in Chapter 3.

2.2.3 Quasi-statistical equilibrium and energy generation rate ta-
ble

The nuclear energy generation is determined by the variation of the entire nuclear binding
energy stored by all nuclei. The energy generation rate is therefore defined as:

ε = Ėbind =
∑
i

NAmic
2 Ẏi , (2.8)

where NA is the Avogadro’s number, Yi and mi the abundance and the mass of the isotope
i, respectively.

The BEC code solves the stellar structure and the nuclear network separately. We
found that using the above equation for the energy generation rate can cause a convergence
problem with the solver of the stellar structure equations during silicon-burning because
of its stiffness. Therefore, we constructed a table for the energy generation rate due to
silicon burning as the following. It was suggested by a number of studies (Bodansky et al.
1968; Hix & Thielemann 1996; Hix et al. 1998; Panov et al. 2001; Hix & Meyer 2006) that
it is possible to describe the isotopic evolution during silicon burning in the terms of a
quasi-statistical equilibrium (QSE) (Wallerstein et al. 1997). In this case, all isotopes are
roughly divided into two QSE-groups: the silicon-group and the iron-group:

He C O Ne Mg Si S Ca︸ ︷︷ ︸
Si−group

⇐⇒ Ti Cr Fe Ni︸ ︷︷ ︸
Fe−group

, (2.9)

with the boundary lying around titanium isotopes. In each QSE group the abundances
of isotopes can be expressed by Saha-like equations (= fi(T, ρ, Ye)) and it is not necessary to
solve the network inside the QSE group. Instead one should solve a couple of “bottleneck”
reactions which are not in an equilibrium (Wallerstein et al. 1997). Figure 2.3 schematically
illustrate the case of QSE.
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Figure 2.3: Illustration of QSE for two QSE-groups of isotopes.

The energy generation rate is therefore determined by changes in the mass fractions
of the QSE-groups. This is illustrated in Figures 2.4 and 2.5. It is shown that the en-
ergy generation rate curves for different initial compositions converge very quickly after
the beginning of isotopic evolution, during the first second. After one second the energy
generation rate depends on the abundance of the silicon group. The detailed composition
inside the silicon group does not play a significant role. This means that the nuclear en-
ergy generation rate can be tabulated for certain grid combinations of the temperature, the
density, the silicon-group abundance and the electron fraction. This procedure can greatly
simplify calculations and reduce the computational time (see e.g., Nomoto & Hashimoto
1988; Moll & Woosley 2013). The overall procedure for the stellar evolution calculation
with this approach is illustrated in Fig. 2.6.

Let us now define the following variable:

XSi−group =
Ca∑
i=He

Xi (2.10)

— the sum of mass fractions of all silicon group isotopes. The boundary of the QSE
silicon group depends on the electron fraction (Ye) and varies around calcium and titanium
isotopes (Hix & Thielemann 1996). But the exact choice of the boundary is not important
for the table values because of the very small mass fraction of the boundary elements.

In addition to temperature, density and mass fraction of silicon-group elements, the
fourth parameter that affects the energy generation rate is the electron fraction (Ye) as
shown in Figure 2.7. Therefore, we built a 4-dimensional table for the range of T =
2.4 × 109 − 1010 K, ρ = 105 − 1010 g cm−3, Ye = 0.44 − 0.5 and XSi−group = 0 − 1. We
extended the range for the density down to log ρ = 5 to make the energy table suitable for
running PISN explosion models, i.e. stellar models of initial mass 150− 250M�. We used
the Torch network with 127 isotopes for the calculations to produce the table.

The BEC code takes interpolated values of the energy generation rate from the table
using a four-dimensional interpolation subroutine. A linear interpolation is applied along
log T and log ρ and a second-order polynomial interpolation along log Ye and XSi−group.
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Figure 2.4: Evolution of energy generation rate during silicon burning for different initial
composition. The nickel abundance is 1% for each case. Different colors correspond to
different initial abundances of oxygen, silicon and sulphur. The constant thermodynamical
conditions are T = 3.5× 10 9 K, ρ = 10 8 g cm−3.
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Figure 2.5: Energy generation rate during silicon burning for different initial composition.
The nickel abundance is 1% for each case. Different colors correspond to different initial
abundances of oxygen, silicon and sulphur. The constant thermodynamical conditions are
T = 3.5× 10 9 K, ρ = 10 8 g cm−3.
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Figure 2.6: Schematic flow chart of the BEC code. The symbol χ represents the chemical
composition, T and ρ are temperature and density, correspondingly.
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Figure 2.7: Dependence of the nuclear energy generation rate on the electron number Ye.
This composite plot of the energy generation rate during silicon burning is based on the
energy generation table. The constant thermodynamical conditions are T = 3.4× 10 9 K,
ρ = 10 7 g cm−3.
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Table 2.5: Radioactive decay
Daughter Decay Daughter Decay
isotope product isotope product
9B(11%) → 1H 42K,42Sc → 42Ca
8B,9B(89%) → 4He 43Sc → 43Ca
6Li → 7Li 44Sc,44Ti → 44Ca
11C → 11B 45Ca,45Ti,45V → 45Sc
13N → 13C 47Ca,47Sc,47V → 47Ti
14O → 14N 49Ca,49Sc,49V,49Cr → 49Ti
15O → 15N 46Sc,46V → 46Ti
18Ne → 16O 48Sc,48V,48Cr → 48Ti
17F → 17O 50Sc → 50Ti
18F → 18O 51Ti,51Cr,51Mn → 51V
19O,19Ne → 19F 52V,52Mn,52Fe → 52Cr
21Na → 21Ne 53Mn,53Fe → 53Cr
22Na,22Mg → 22Ne 54Mn → 54Cr
23Ne,23Mg → 23Na 55Cr,55Fe,55Co → 55Mn
24Na → 24Mg 56Mn,56Co,56Ni → 56Fe
25Al → 25Mg 57Mn,57Co,57Ni,57Cu → 57Fe
26Al → 26Mg 58Co → 58Fe
27Mg,27Si → 27Al 59Fe,59Ni,59Cu → 59Co
28Al → 28Si 60Fe,60Co,60Cu,60Zn → 60Ni
29P → 29Si 61Fe,61Co,61Cu,61Zn,61Ga → 61Ni
30P → 30Si 62Co,62Cu,62Zn,62Ga → 62Ni
31Si,31S → 31P 58Cu → 58Ni
32Si,32P → 32S 63Ni,63Zn,63Ga → 63Cu
33P,33Cl → 33S 64Cu(61.5%) → 64Ni
34P,34Cl → 34S 64Cu(38.5%),64Ga,64Ge → 64Zn
35S → 35Cl 65Ni,65Zn,65Ga,65Ge → 65Cu
37Ar,37K → 37Cl 66Cu,66Ga,66Ge → 66Zn
38Cl,38K → 38Ar 67Ga,67Ge → 67Zn
36Cl → 36Ar 68Ga,68Ge → 68Zn
39Ar → 39K 69Zn,69Ge → 69Ga
41Ar,41Ca,41sc41 → 41K 70Ga → 70Ge
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Radioactive decay

We calculate the results of radioactive decay with a post-processing routine by adding the
mass fraction of short living isotopes to the mass fraction of their decay products. Daughter
isotopes decay through β+, β−–decay. We list the final decay results in Table 2.5.

2.3 Applications of the α−chain network

Here we discuss the limits and applicability of our new α−chain network. As mentioned
above, this network was developed only for a pilot study of the thesis work, and is not used
for the main topic of the thesis, namely the pair-instability explosions that are discussed
in Chapter 3. For the calculation of the PISN nucleosynthesis, we used the Torch network
with 200 isotopes, instead of the α−chain network. However, the α−chain network is
computationally much less expensive than the Torch network, and can be particularly
useful for some specific topics including the evolution of very massive stars, as discussed
below.

2.3.1 Helium star models

With the new α−chain network, we ran a set of single helium star models starting from the
helium zero age main sequence. We used the latest version of BEC (Yoon et al. 2010) for
evolving pure helium star models at solar metallicity (Z = 0.02). We present the results
of the calculations in Figures 2.8 and 2.9. We continued the evolutionary calculations for
some of our helium models until the end of core silicon burning. These results are shown
separately in Figure 2.10.

We show that some of our models undergo rapid inflation of the envelope during the core
carbon burning phase (Petrovic et al. 2006; Yoon et al. 2010). Those stars that lose their
extended envelopes (more massive initially, M > 5M�) remain very hot (Teff > 50000 K)
and compact until the end of the evolution (∼ R�). Stars with lower initial masses
(M < 5M�) have their envelopes more inflated and become relatively cool by the end of
their lives. We applied the results of these calculations to predict the nature of type Ibc
supernova progenitors in Yoon et al. (2012b).

In Figures 2.9 and 2.10 we show the evolutionary tracks of our helium star models in
the central density–temperature diagram. Our models follow successive burning stages.
Some calculations cover core helium and carbon burning (3 M�, 3.5 M�, 4 M�). Other
models evolve further through core neon and oxygen burning (4.5 M�, 6 M�). Models
with 10 M� and 15 M� reach the end of core silicon burning.

In Figure 2.11, we plot the track of our 15 M� helium star model in the ρ−T -diagram,
compared to the models with ZAMS masses of 25 M� and 40 M� by Chieffi & Limongi
(2013). The 40 M� model has a helium core of 14.4 M� at the end of hydrogen burning,
which is close to the initial mass of our 15 M� helium star model. However, our 15 M� he-
lium star model and the 40 M� model evolve differently in the central density–temperature
diagram. One of the crucial parameters governing the evolution in the ρ − T–diagram is



2.3. Applications of the α−chain network 57

Figure 2.8: Evolutionary tracks of helium star models of solar metallicity in the
Hertzsprung-Russel diagram. Labels correspond to initial mass of the helium star models.

the core mass. Our 15 M� helium star loses 5.4 M� during helium burning via Wolf-
Rayet winds, while in the 40 M� model the helium core grows to about 16.6 M� because
of the hydrogen burning shell during the core helium burning phase. This explains why
the central temperature remains higher in the 40 M� model than in our 15 M� helium
star model. The 25 M� star has a 9.8 M� helium core at the end of the evolution (Chieffi
& Limongi 2013) and its evolutionary track looks compatible to that of our 15 M� helium
star model, which has a final mass of about 9.4 M�.

The iron core mass of our 15 M� helium star is 1.68 M� at the pre-supernova stage.
Those of the 25 M� and 40 M� models (Chieffi & Limongi 2013) are 1.48 M� and 1.58 M�,
respectively. The main reason for the higher iron core mass in our helium star model is
because our α−chain network does not include weak interactions, resulting in no neutron-
ization in the iron core (i.e, Ye = 0.5). Given that the Chandrasekhar limit is proportional
to Y 2

e , it is a natural consequence of higher electron-degenerate pressure in the core that
our helium star model has a higher iron core mass at the pre-supernova stage than the
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Figure 2.9: Evolutionary tracks of helium star models of solar metallicity in the central
density – central temperature diagram. Labels correspond to initial masses of the helium
star models and the indicated core burning stages.
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Figure 2.10: Evolutionary tracks of helium star models at solar metallicity during core
oxygen and silicon burning in the central density – central temperature diagram. Labels
correspond to initial masses of the helium star models and the indicated core burning
stages.

models having comparable helium core masses where weak interactions are fully considered
as in Chieffi & Limongi (2013).

This comparison indicates that our α−chain network can describe the inner structure
of core-collapse supernova progenitors during the final stage only in an approximate way.
However, this network can still be employed for modelings of core-collapse progenitors with
some specific purposes. For example, Hirschi et al. (2004) used a similar α−chain network
to investigate the angular momentum evolution at the pre-supernova stage in massive stars,
which does not necessarily require a precise description of the iron core structure.

In principle, the Torch network can be used to construct core-collapse supernova pro-
genitors, given that it includes all the necessary weak interactions and that our energy
generation table for silicon burning covers a wide range of thermodynamic conditions that
can be applied to silicon burning in core-collapse supernova progenitors, as explained above.
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Figure 2.11: Evolutionary tracks of 15 M� helium star model of solar metallicity during
core oxygen and silicon burning in the central density – central temperature diagram,
compared to models with initial mass of 25 M� and 40 M� of solar metallicity from Chieffi
& Limongi (2013).

However, applying the Torch network for this case is a time consuming task and beyond
the scope of the thesis.

2.3.2 Supercollapsar progenitors

Although the effect of weak interactions is crucial for the iron-core structure in core-collapse
supernova progenitors, it does not play an important role for very massive stars that
undergo the pair-instability during the late stages in the cores because the central density
in these stars remains very low throughout all the nuclear burning stages, especially if we
consider stars above 260 M� which end in black hole formation after the pair instability
phase. Therefore, our α−chain network can properly describe the final core structure of
such a very massive star.

One such science case is the angular momentum evolution in very massive stars with
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Figure 2.12: Chemical structure at the pre-collapse stage in the rotating 500 M� star
model with an initial rotational velocity of 30% of the Keplerian value at the equatorial
surface.
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initial masses of 260 M� – 1000 M�. Retention of a large amount of angular momentum
around the iron core at the pre-collapse stage in such an object may lead to the formation
of relativistic jets followed by an X-ray or gamma-ray burst, when the iron core collapses
into a black hole. This is the so-called supercollapsar scenario in which short lived jets are
powered by the Blandford-Znajek magnetic mechanism (Komissarov & Barkov 2009, 2010;
Mészáros & Rees 2010). The structure of supercollapsar progenitors including rotation can
be accurately obtained with our α−chain network as it does not require any more detailed
nucleosynthesis.

As an example, we evolved a 500 M� model at zero-metallicity with an initial rota-
tional velocity of 30% of the Keplerian value at the equatorial surface from the zero-age
main sequence to the pre-collapse stage, using the α−chain network. In this calculation,
the transport of angular momentum via hydrodynamical instabilities is considered, but a
magnetic torque is not included (see Yoon et al. 2012a). This star undergoes the pair-
instability after central carbon exhaustion, but continues to collapse because the released
nuclear energy during the oxygen and silicon burning phases is not large enough to reverse
it. The final model reaches a central density of 6.1 × 10 6 g cm−3 and a central tempera-
ture of 1.3× 10 10 K, where the maximum infall velocity of the core reaches 25000 km s−1.
Figure 2.12 shows the final chemical structure which is qualitatively similar to a model of
300 M� by Fryer et al. (2001). The innermost 140 M� is completely photo-dissociated into
helium, and about 17 M� of 56Ni is produced in the layer above. Figure 2.13 shows the
angular momentum distribution at this stage. The specific angular momentum (jr) in the
innermost 300 M� is lower than the critical value jKerr that is needed to form an accretion
disk around a rotating black hole. Right above this region, the material of about 8 M� in
the outermost layer of the oxygen core is rotating with jr > jKerr.

Therefore, it is expected that a 300 M� black hole forms as a result of the collapse,
which is surrounded by an accretion disk of about 8 M�. The expected accretion rate is
about 1.6 M� s−1, which is derived from the free fall time of the matter in this layer, and
the consequent accretion time is only about 5 seconds. The radius of our 500 M� star at the
final stage is 6491 R� and the corresponding jet crossing time is about 4 hours. Therefore,
even if a jet is produced via the accretion of the rapidly rotating material in the outermost
layer of the oxygen core into the black hole, it would not be able to break out from the star.
The outermost layers in the hydrogen envelope are also rotating rapidly with jr > jKerr,
but the hydrogen envelope is very loosely bound and not likely to form an accretion disk to
make a powerful jet. The presence of a magnetic torque would provide a higher degree of
angular momentum loss, therefore, a lower angular momentum distribution inside the star.
In short, our calculations indicate that a supercollapsar from a very massive Population III
star is not likely to produce a jet-powered burst, in agreement with Fryer et al. (2001).

More details on this issue will be presented in a forthcoming paper.
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Figure 2.13: Specific angular momentum as a function of the mass-coordinate for different
evolutionary stages (Tc = 1.27, 1.53, 2.57, and 12.6 × 10 8 K) in the rotating 500 M�
model. The red dashed line denotes the critical specific angular momentum above which
the collapsing material can form an accretion disk around a rotating black hole of the given
mass.
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Chapter 3

Explosion and nucleosynthesis of low
redshift pair instability supernovae

This chapter describes the self-consistent evolutionary calcu-

lations of 150 M� and 250 M� stellar models of metallicity

0.001 from the zero-age main sequence up to the collapse

due to pair creation and subsequent explosion. The chap-

ter performs the first detailed nucleosynthetic yields of finite

metallicity pair instability supernovae and briefly discusses

the imprint of the pair instability supernovae on the chemi-

cal evolution of the local Universe.

3.1 Overview

Both recent observations and stellar evolution models suggest that pair-instability super-
novae (PISNe) could occur in the local Universe, at metallicities below . Z�/3. Previous
PISN models were mostly produced at very low metallicities in the context of the early
Universe.

We present new PISNe models at a metallicity of Z = 0.001, which are relevant for the
local Universe.

We take the self-consistent stellar evolutionary models of pair-instability progenitors
with initial masses of 150M� and 250M� at metallicity of Z = 0.001 by Langer et al. (2007)
and follow the evolution of these models through the supernova explosions, using a hydro-
dynamics stellar evolution code with an extensive nuclear network including 200 isotopes.

Both models explode as PISNe without leaving a compact stellar remnant. Our models
produce a nucleosynthetic pattern that is generally similar to that of Population III PISN
models, which is mainly characterized by the production of large amounts of α−elements
and a strong deficiency of the odd-charged elements. However, the odd-even effect in our
models is significantly weaker than that found in Population III models. The comparison
with the nucleosynthetic yields from core-collapse supernovae at a similar metallicity (Z =
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0.002) indicates that PISNe could have strongly influenced the chemical evolution below
Z ≈ 0.002, assuming a standard initial mass function. The odd-even effect is predicted to
be most prominent for the intermediate mass elements between silicon and calcium.

With future observations of chemical abundances in Population II stars, our result can
be used to constrain the number of PISNe that occurred during the past evolution of our
Galaxy.

3.2 Introduction

The pair instability mechanism for supernova explosions was first suggested in 1960s
(Fowler & Hoyle 1964; Bisnovatyi-Kogan & Kazhdan 1967; Rakavy & Shaviv 1967; Barkat
et al. 1967; Fraley 1968; Zeldovich & Novikov 1971). The cores of very massive stars with
initial masses higher than about 100 M� (Bond et al. 1982; Heger et al. 2003) have rela-
tively low densities and high temperatures for which radiation pressure is dominant over gas
pressure. When the core temperature approaches 10 9 K, the creation of electron-positron
pairs out of gamma-ray photons from the high energy tail of the black body spectrum
becomes important and makes the adiabatic index Γ drop below 4/3. This causes gravita-
tional collapse of the core if a significant fraction of the core has Γ < 4/3. The consequent
oxygen burning induces a thermonuclear explosion that completely disrupts the star if the
released energy exceeds its binding energy. This happens for oxygen core masses above
approximately 45 M�.

For a pair instability supernova to occur, its progenitor needs to retain its mass high
enough to keep its helium core mass above about ∼ 65 M�. This condition cannot be easily
fulfilled at high metallicity for which the evolution of very massive stars are dominated
by stellar wind mass-loss (e.g. Vink et al. 2011). This is the reason why most theoretical
studies of pair instability supernovae (PISNe) have focused on zero or extremely metal poor
stars in the early Universe (El Eid et al. 1983; Umeda & Nomoto 2002; Heger & Woosley
2002; Scannapieco et al. 2005; Kasen et al. 2011; Pan et al. 2012a; Whalen et al. 2013a;
Dessart et al. 2013). However, Langer et al. (2007) recently pointed out that the metallicity
threshold for PISNe can be as high as Z�/3 within the current theoretical uncertainty of
stellar wind mass-loss rates, implying one PISN per one thousand supernovae in the local
Universe.

PISNe would be marked by broad light curves given their high progenitor masses. They
would also appear extremely luminous if their progenitors have large radii and/or if a large
amount of nickel is produced as a result of the pair creation instability (e.g., Scannapieco
et al. 2005; Kasen et al. 2011). This raises the question whether some of the super-luminous
SNe of various types like SN 2006gy and SN 2007bi discovered in the nearby Universe have
a pair instability origin (see Gal-Yam 2012a, for a review). For example, the light curve
of SN 2007bi implies the radioactive decay of more than 3 M� of nickel, for which a pair
instability explosion gives one of the best explanations (Gal-Yam et al. 2009). Alternative
possibilities are supernova powered by a young magnetar as suggested by various authors
(Kasen & Bildsten 2010; Dessart et al. 2012b) and interaction-driven supernova (Moriya
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et al. 2010). If local PISNe would exist, one would have to wonder how they would have
impacted on the chemical evolution of the local Universe.

Addressing these questions requires PISN models that are relevant to the environment
of the local Universe. The first studies of local PISN models were performed by Langer &
El Eid (1986), El Eid & Langer (1986) and Herzig et al. (1990) who calculated evolutionary
models with an initial mass of 100 M� and a metallicity of Z = 0.03. More recently, Langer
et al. (2007) calculated 150 M� and 250 M� models at a metallicity of Z = 0.001 as PISN
progenitors, adopting the most up-to-date prescriptions for stellar wind mass-loss rates.
These models provide self-consistent progenitor models for PISNe in the local Universe
together with more recent models by Yusof et al. (2013). In the present study we follow
the evolution of two models from Langer et al. (2007) through the explosive oxygen and
silicon burning stages to verify that they explode via the pair instability mechanism, and
to discuss implications for nucleosynthesis in the local Universe. Their shock-breakout
signatures and light curves will be discussed in a separate paper (Kozyreva et al. 2014a).

This paper is organized as follows. We describe the numerical method adopted in the
present study in Section 3.3. The results of our calculations are reported in Section 3.4,
where we also discuss the nucleosynthesis yields of our PISN models. We discuss the
implications of our results for the chemical evolution of the local Universe in Section 3.5,
and conclude our study in the final section.

3.3 Numerical method and input physics

We use an implicit Lagrangian hydrodynamics code which solves the difference equations
for the stellar structure iteratively by the Henyey relaxation method (Henyey et al. 1964;
Heger et al. 2000; Yoon & Langer 2005; Yoon et al. 2006). We list the relevant stellar
structure equations in the Appendix A. The equation of state is based on Blinnikov et al.
(1996) and includes ions, electrons and positrons, radiation, degeneracy effects and ion-
ization contributions. The opacity is computed from the OPAL tables (Iglesias & Rogers
1996) and Alexander & Ferguson (1994).

We compute the nucleosynthesis and the corresponding energy generation rate in the
following way. For temperatures less than 4.5×10 8 K, a small nuclear network (39 isotopes)
is utilized. For higher temperatures we use the “Torch” nuclear network developed by
Timmes (1998, 1999) with 200 isotopes. In this network, the weak interactions are followed
using the data provided by Fuller et al. (1982). For a temperature range where silicon
burning is well described in terms of quasi-statistical equilibrium (QSE, Bodansky et al.
1968; Hix & Thielemann 1996), energy generation rates can be given as a function of
temperature T , density ρ, total mass fraction of the silicon QSE-group1 elements XSi and
electron abundance Ye. For calculating energy generation rates during silicon burning,
therefore, we use an energy generation rate table for a number of combinations of different
physical parameters (T = (2.4− 5)× 10 9 K, log10(ρ / (g cm−3)) = 5− 10, XSi = 0 − 1,

1QSE-groups are the groups of isotopes formed in the condition of quasi-statistical equilibrium (Waller-
stein et al. 1997).
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Ye = 0.44 − 0.5), following Nomoto & Hashimoto (1988). For very high temperatures
(T > 5 × 10 9 K), the nuclear statistical equilibrium routine by Timmes (1998) is
employed.

Our starting models are taken from the stellar evolutionary calculations with an initial
masses of 150 M� and 250 M� and initial rotational velocity of 10 km s−1 at Z = 0.001
by Langer et al. (2007, the model Sequences 3 and 4 ). These models were calculated
from the zero-age main sequence until the onset of the pair instability in the core, with the
stellar wind mass-loss prescription described in Yoon et al. (2006). The starting point of
our calculations is core carbon exhaustion, after which these stars quickly enter the pair
instability phase. The stellar masses at this point are 94 M� and 169 M� for the 150 M�
and 250 M� stars, respectively. We summarize some model properties in Table 3.1 along
with those of zero metallicity models by Heger & Woosley (2002) for comparison.

The stellar evolutionary models from Langer et al. (2007) were calculated using the
Ledoux criterion for convection, with the assumption of semi-convection (Langer et al.
1983) using a large semi-convective mixing parameter (αSEM = 1, Langer (1991)), and
without convective core overshooting. The mixing length parameter was chosen to be 1.5
of pressure scale height (Yoon et al. 2006). We neglected the convective mixing during
the explosive oxygen and silicon burning phases in our calculations because the convection
timescale is two orders of magnitude larger than the hydrodynamical timescale on which
the collapse induced by the pair instability develops.

Note that the recent PISN progenitor models at higher metallicity (0.002 and 0.006) by
Yusof et al. (2013) are computed using the Schwarzschild criterion for convection and with
core overshooting with a moderate overshooting parameter (αover = 0.1). The convection
in the outer layers is calculated with mixing-length parameter scaled to the density scale
height (αMLT = l/Hρ = 1) to avoid density inversions (see also Ekström et al. 2012). The
consequences of this treatment are more compact stellar models, a lesser degree of mass
loss, and larger carbon-oxygen cores. Those models from Yusof et al. (2013) which are
supposed/declared to produce PISNe are evolved until the end of helium/oxygen burning.
Electron-positron pair creation is not included in the equation of state of the employed
evolutionary code. The statement about the PISN fate is based on the size of the carbon-
oxygen core. In more recent study the PISN models from Yusof et al. (2013) (at the end
of core helium burning) were mapped into the KEPLER code (Heger & Woosley 2010).
With these calculations the models were evolved through pair instability and eventually
exploded (Whalen et al. 2013c).

Rotation is not included during the present calculations because these models retain
very small amounts of angular momentum.
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Table 3.1: Properties of our PISN progenitor models and of comparable Population III
helium star models from Heger & Woosley (2002). T max

c and ρmax
c are the maximum

values of central temperature and central density, respectively, that are achieved during
the calculations. The last two columns give the values of the central neutron excess initially
and at maximum temperature.

Initial mass Final mass He-core O-core T max
c log ρmax

c η init
c ηmax

c

[M�] [M�] [M�] [10 9 K] [g cm−3]

150 M� 94 72 64 3.45 6.25 1.0× 10−4 2.5× 10−4

70 M� He 70 70 60 3.57 6.30 1.9× 10−7 2.8× 10−4

250 M� 169 121 110 5.12 6.69 1.0× 10−4 1.6× 10−3

115 M� He 115 115 90 5.14 6.67 1.9× 10−7 7.3× 10−4

3.4 Results

3.4.1 Explosion

Through the hydrodynamics terms included in the BEC code (see the Appendix A) we
could follow the dynamical phase of the evolution of our PISN models. Usually hydrody-
namic stellar evolution codes are not able to describe dynamical processes in stars because
of the implicit nature of the adopted numerical solvers (causing strong numerical damping)
and the large time steps which are required to follow the evolution time scale (Appenzeller
1970; Woosley & Weaver 1982). Pulsations and shock waves however can be resolved if
the time step becomes comparable to the dynamical characteristic time (possible during
late stages of stellar evolution), and if the growth rate of a hydrodynamical phenomenon
is sufficiently large (El Eid & Langer 1986; Heger et al. 1997; Yoon & Cantiello 2010).

We find that both models explode as a result of explosive nuclear burning during the
pair instability phase, which confirms the prediction by Langer et al. (2007).

In Figure 3.1, the evolutionary tracks of the central density and temperature are shown.
Both quantities increase rapidly during the dynamical contraction of the core induced by
the pair instability. The maximum temperature and density achieved during this phase are
Tc = 3.45× 10 9 K and ρc = 1.8× 10 6 g cm−3 for the 150 M� star, and Tc = 5.1× 10 9 K
and ρc = 4.9× 10 6 g cm−3 for the 250 M� star, respectively. As shown in Table 3.1, these
values are comparable to those found in Population III star models by Heger & Woosley
(2002) for similar helium core masses. Beyond this point, the contraction is reversed, and
the star explodes.

In Figure 3.2, the fact that our models explode by the nuclear energy release is illus-
trated. Initially our models have a negative binding energy (Ebind = Egrav +Ethermal). The
pair creation triggers the collapse which is visible as a minor increase of the kinetic energy
around t = 0 for Model 150M and around t = 0 − 10 s for Model 250M. The consequent
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Figure 3.1: Evolutionary tracks of our 150 M� (labeled ‘150M’, solid line) and 250 M�
(labeled ‘250M’, line with times signs) models in central density – temperature diagram.
The area enclosed with the dashed line indicates the pair instability regime where Γ < 4/3.
The filled circles mark the starting points for each model sequence.
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oxygen and silicon burning occur with a sharp decrease of the nuclear binding energy.
The nuclear binding energy is defined the following way:

Ebind =
∑
k

∑
i

Xi ei
∆Mk

mi

, (3.1)

where Xi represents the mass fractions of the isotopes, ei and mi are the nuclear binding
energy and nuclear mass of the isotope i, and ∆M is the mass of the mass shell of the
numerical stellar model. The sum is made over all mass shells and over all isotopes.
Figure 3.2 shows the difference of nuclear binding energy at a given time to that at the end
of carbon burning, i.e. the first time point in the figures. The drop in the nuclear binding
energy shows the amount of energy released by nuclear burning during the pair instability
explosion.

The released nuclear energy from oxygen and silicon burning is converted into thermal
and kinetic energy, resulting in a positive binding energy. A positive binding energy means
that the system becomes unbound. Eventually, most of the released nuclear energy is
converted into the kinetic energy, which is strong evidence for the explosion of the star. The
final kinetic energy is 8 foe2 for Model 150M and 44 foe for Model 250M. This corresponds
to an asymptotic velocity of the ejecta at the infinity of 2.9× 10 3 km s−1 for Model 150M
and 5.1× 10 3 km s−1 for Model 250M.

The BEC code has no provision for treating shocks. However, due to the strong density
contrast at the base of the hydrogen-rich envelope, a shock wave develops at this point
due to the explosion of the carbon-oxygen core. Its Mach number is about 2 for both our
models. As a consequence, energy is not perfectly conserved in our models at the time when
the shock enters the stellar envelope (see Figure3.3). Still the total energy is conserved to
better than 5% in our 150 M�model, and to better than 20% in our 250 M�model. We
note that the velocities scale with

√
Ekin, and that we expect our velocities to be precise

to 3% and 10%, respectively. The comparison of Figures 3.2 and 3.3 shows that energy
conservation during the nuclear burning phase is very good, such that our nucleosynthesis
results are not affected by this issue.

3.4.2 Nucleosynthesis

Figure 3.4 shows the final chemical structure of our models. The total amounts of produced
56Ni are 0.04 M� and 19.3 M� for the 150 M� and 250 M� star, respectively. As shown in
Table 3.2, the overall nucleosynthetic results are in good agreement with that of the 70 M�
and 115 M� Population III helium star models by Heger & Woosley (2002) of which the
masses are comparable to the He core masses of our models.

We summarize the chemical yields and the production factors of each isotope from our
explosion models in Table 3.3. Here the production factor of a given isotope is defined as

p iso =
miso

X �
iso ×M tot

, (3.2)

21 foe = 10 51erg (from ‘fifty-one-erg’)
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Table 3.2: Total nucleosynthetic yields for selected isotopes in solar masses for our 150 M�
and 250 M� models (including matter lost by stellar wind and decay products) in compar-
ison with 70 M� and 115 M� zero metallicity helium star yields (Heger & Woosley 2002),
respectively. Yields for hydrogen and helium neglecting the wind matter are given after
the slash sign.

1H 4He 12C 16O 20Ne 24Mg 28Si
150 M� 36.6/4.9 49.2/24.4 2.2 46.9 2.6 2.3 6.2

He 70 M� – 1.5 4.5 45.8 4.0 3.0 8.0
250 M� 57.1/10.3 81.5/47.5 0.9 42. 1.8 2.5 23.1

He 115 M� – 1.8 3.7 40. 3.8 4.5 25.7
32S 36Ar 40Ca 46Ti 50Cr 56Fe

150 M� 2.8 0.5 0.5 10−4 10−4 0.04
He 70 M� 2.4 0.3 0.2 10−4 10−4 0.01

250 M� 14.3 2.9 2.8 10−4 10−4 19.4
He 115 M� 11.8 1.9 1.6 10−5 10−4 19.0

where miso is the total yield of a given isotope in solar masses, X �
iso is the mass fraction of

the isotope according to the solar metallicity pattern, and M tot is the initial mass of the
star (150 M� or 250 M� in the present study). The effect of radioactive decays is fully
considered in the final set of the isotope yields that consists only of stable nuclei.

We use the solar abundances taken from Woosley & Weaver (1995) which were adopted
from Anders & Grevesse (1989) to be consistent in our comparison to other PISN and
CCSN nucleosynthetic yields. A more recent study of solar abundances (Asplund et al.
2009) shows somewhat different solar abundances. The overall fraction of heavy elements
differs by a factor of 0.7 mostly due to a reduced oxygen abundance. Z = 0.0134 in Asplund
et al. (2009) and Z = 0.0201 in Anders & Grevesse (1989). However, the solar abundances
serve as a denominator for our qualitative comparison. Generally, the relative scatter of
the elemental/isotopic production factor (i.e. odd-even effect) remains the same. We plot
all production factors in Figures 3.6, 3.7, and 3.9 in logarithmic scale. Therefore, using the
lower metal fraction will shift all data (except hydrogen and helium) by | log 0.7| ' 0.15 dex.

The pair instability explosion in our models is mostly driven by oxygen burning because
oxygen is the most abundant element at core carbon exhaustion. Our models 150M and
250M contain 64 M� and 110 M� oxygen cores, correspondingly, and a large fraction
of the oxygen core remains unburnt: more than 40 M� of oxygen enrich the circumstellar
medium, making oxygen the third most abundant element after hydrogen and helium. Note
that only about 3 M� of oxygen are produced in an ordinary core-collapse SN (Woosley
& Weaver 1995) and even less (about 0.1 M�) is left after a SN Ia (Iwamoto et al. 1999;
Travaglio et al. 2004).
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Table 3.3: Total nucleosynthetic yields in solar masses and production factors for 150 M�
and 250 M� models at metallicity Z = 0.001. Yields include matter lost by the stellar
wind and decay products.

Yields Prod.factor
150 M� 250 M� 150 M� 250 M�

1H 36.56 57.10 0.34 0.32
2H 7.10(-11) 1.63(-10) 1.71(-8) 2.36(-8)

3He 5.01(-5) 5.47(-5) 9.80(-3) 6.42(-3)
4He 49.16 81.53 1.20 1.19
6Li 4.93(-12) 2.10(-11) 4.45(-5) 1.14(-4)
7Li 7.17(-10) 4.57(-8) 4.55(-4) 1.74(-2)

9Be 8.77(-12) 1.88(-11) 3.01(-4) 3.88(-4)
10B 2.14(-10) 4.25(-10) 1.43(-3) 1.70(-3)
11B 7.17(-10) 4.58(-9) 1.07(-3) 4.10(-3)
12C 2.22 0.90 6.04 1.46
13C 3.58(-4) 5.60(-4) 8.00(-2) 7.52(-2)
14N 4.10(-2) 7.27(-2) 0.34 0.37
15N 1.17(-4) 3.37(-5) 0.25 4.31(-2)
16O 46.86 41.96 47.33 25.43
17O 1.10(-4) 1.54(-4) 0.28 0.24
18O 1.24(-4) 4.94(-5) 5.57 1.33(-2)
19F 3.76(-7) 4.03(-7) 5.36 3.45(-3)

20Ne 2.58 1.85 14.69 6.32
21Ne 4.17(-4) 8.79(-5) 0.95 0.12
22Ne 1.19(-3) 1.17(-3) 8.42(-2) 4.94(-2)
23Na 1.39(-2) 8.67(-3) 2.39 0.90
24Mg 2.30 2.52 27.12 17.83
25Mg 1.34(-2) 5.37(-3) 1.20 0.29
26Mg 2.68(-2) 1.11(-2) 2.09 0.52
27Al 1.14(-2) 4.20(-2) 1.15 2.53
28Si 6.17 23.08 54.52 122.29
29Si 4.62(-2) 3.24(-2) 7.76 3.26
30Si 2.52(-2) 1.35(-2) 6.19 2.00
31P 2.96(-3) 8.16(-3) 2.60 4.30
32S 2.82 14.32 47.47 144.69
33S 3.83(-3) 8.14(-3) 7.93 10.11
34S 8.17(-3) 1.12(-2) 2.93 2.41
36S 2.36(-8) 5.23(-8) 1.96(-3) 2.62(-3)

35Cl 7.24(-4) 1.09(-2) 1.19 10.70
37Cl 6.68(-4) 1.37(-3) 3.25 4.01
36Ar 0.51 2.93 37.28 128.15

continuing at the next page
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Yields Prod.factor
150 M� 250 M� 150 M� 250 M�

38Ar 6.75(-3) 7.92(-3) 2.57 1.81
40Ar 1.37(-10) 3.11(-9) 3.26(-5) 4.42(-4)
39K 1.23(-3) 1.16(-2) 2.09 11.82
40K 3.71(-8) 1.68(-6) 3.95(-2) 1.07
41K 1.63(-4) 3.15(-4) 3.63 4.22

40Ca 0.49 2.80 45.99 156.82
42Ca 1.87(-4) 2.09(-4) 2.50 1.67
43Ca 6.48(-8) 2.07(-5) 4.30(-3) 0.78
44Ca 1.14(-4) 9.65(-4) 0.45 2.28
46Ca 0 0 0 0
48Ca 8.71(-20) 3.92(-17) 3.50(-15) 9.45(-13)
45Sc 4.32(-6) 1.18(-5) 0.64 1.05
46Ti 9.23(-5) 1.14(-4) 2.29 1.69
47Ti 3.87(-7) 2.42(-6) 1.04(-2) 3.92(-2)
48Ti 2.02(-4) 1.69(-2) 0.54 26.96
49Ti 1.91(-5) 4.61(-4) 0.68 9.81
50Ti 4.23(-12) 3.35(-12) 1.53(-7) 7.29(-8)
50V 1.63(-10) 1.65(-10) 1.04(-3) 6.28(-4)
51V 1.93(-5) 6.42(-4) 0.30 5.98

50Cr 2.43(-4) 1.02(-3) 1.98 4.99
52Cr 1.62(-3) 0.38 0.66 91.77
53Cr 1.79(-4) 1.40(-2) 0.63 29.60
54Cr 1.09(-8) 2.02(-8) 1.51(-4) 1.69(-4)

55Mn 1.00(-3) 5.73(-2) 0.45 15.59
54Fe 2.12(-2) 0.21 1.82 11.07
56Fe 4.62(-2) 19.33 0.24 61.36
57Fe 4.41(-4) 0.21 9.93(-2) 28.38
58Fe 4.09(-6) 5.44(-5) 6.81(-3) 5.44(-2)

59Co 3.99(-5) 5.11(-3) 6.63(-2) 5.10
58Ni 1.83(-3) 0.37 0.22 26.73
60Ni 1.24(-4) 7.35(-2) 3.75(-2) 13.36
61Ni 2.57(-7) 3.75(-3) 1.76(-3) 15.44
62Ni 9.40(-7) 2.59(-2) 1.99(-3) 32.86
64Ni 7.44(-12) 4.46(-9) 6.00(-8) 2.16(-5)

63Cu 3.95(-9) 2.40(-5) 3.92(-5) 0.14
65Cu 1.76(-11) 9.92(-6) 3.80(-7) 0.13
64Zn 1.98(-9) 1.20(-4) 1.18(-5) 0.43
66Zn 6.34(-11) 2.24(-4) 6.40(-7) 1.36
67Zn 5.63(-15) 1.56(-7) 3.81(-10) 6.34(-3)
68Zn 8.90(-15) 4.64(-8) 1.30(-10) 4.06(-4)

continuing at the next page
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Yields Prod.factor
150 M� 250 M� 150 M� 250 M�

70Zn 0 0 0 0
69Ga 4.22(-16) 4.47(-13) 6.45(-11) 4.10(-8)
71Ga 0 0 0 0
70Ge 6.93(-16) 9.16(-15) 8.82(-11) 7.00(-10)

The highest yields in Model 150M are those of intermediate even-charged isotopes
between oxygen and sulphur (2.6 M� of 20Ne, 2.3 M� of 24Mg, 6.2 M� of 28Si, 2.8 M�
of 32S) because only a small fraction of silicon is burnt in this PISN (see Table 3.3). The
yields of iron-group isotopes are fairly low compared to intermediate mass isotopes. At the
same time the ejecta of Model 250M contains large amounts of intermediate mass isotopes
similar to the Model 150M (1.85 M� of 20Ne, 2.5 M� of 24Mg, 23.1 M� of 28Si, 14.3 M� of
32S, 2.9 M� of 36Ar, 2.8 M� of 40Ca), significant amounts of iron-group isotopes (0.4 M�
of 52Cr, 0.2 M� of 54Fe, 0.2 M� of 57Fe, 0.4 M� of 58Ni) and a very large iron-56 yield
(19.3 M�). There is a gap around the titanium isotopes since these are the bottle-neck
isotopes between QSE-groups (Hix & Thielemann 1996).

Large amounts of silicon (6 M� and 23 M�, respectively) are left after incomplete silicon
burning in both models, which are 10 – 100 times higher than silicon yields resulting from
core-collapse SNe and SNe Ia. The average yield of silicon in core-collapse SNe and SNe Ia
is 0.4 M� and 0.6 M�, respectively. A large amount of radioactive nickel produced in our
higher mass Model 250M (19.3 M�) will result in a very bright and broad supernova light
curve (Scannapieco et al. 2005; Kasen et al. 2011; Kozyreva et al. 2014a). This amount is
much larger than the average iron yield of 0.04 – 0.2 M� in core-collapse SNe and 0.5 M�
in SNe Ia (Patat et al. 1994; Smartt 2009).

We emphasize here that both our PISN models do not produce pronounced amounts of
isotopes beyond the iron-group: the mass fractions of copper, zinc gallium and germanium
isotopes are well below 10−4. The lack of r - and s-isotopes is explained mostly by the
neutron deficiency that is explained below3.

PISNe occur since the cores of their progenitors remain much less dense than those
of core-collapse SN progenitors (c.f. Langer 2012). This makes neutronization during the
final evolutionary stages much less significant than in core-collapse progenitors. Heger &
Woosley (2002) showed that this results in a remarkable deficiency of odd-charged nuclei
compared to even-charged nuclei in the nucleosynthesis of Population III PISNe. Table 3.1
shows that our starting models have much larger neutron excesses (ηi ∼ 10−4) than the
initial Population III star models of Heger & Woosley (ηi ∼ 10−7). However, the neutron
excess in the central region (ηc) where silicon burning occurs does not increase much. The
maximum neutron excess achieved at the center (ηmax

c ) in the 150 M� and 250 M� models
is only 2×10−4 and 1.6×10−3, respectively. In the comparable Population III helium star
models of Heger & Woosley (2002) (i.e. their 70 M� and 115 M� models; see Figure 3.2),
the values of ηmax

c are 2.8×10−4 and 7.3×10−4, respectively (Table 3.1), which is a factor

3Note that in the nuclear network used in our study no element heavier than germanium is included.
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of 3. . .5 lower.
This indicates that the neutron excess in PISNe during the explosion phase does not

increase by much more than about 10−3 over the values at core helium exhaustion. Inter-
estingly, this implies that even if the initial metallicity of a PISN progenitor was as high
as Z�, the neutron excess in the core would not become much higher than about 10−3,
which is the typical value of the neutron excess in the innermost layers of solar metallicity
massive stars at core helium exhaustion. This value is much smaller than the neutron
excess achieved in the silicon shell of a typical core-collapse progenitor (η ∼= 10−2), where
explosive nuclear burning occurs during the supernova explosion. We conclude that the
odd-even effect is expected to be significant even in metal-rich PISNe.

Heger & Woosley (2005) argued that an unusually strong mixing of nitrogen into the
helium core of a PISN progenitor may make the odd-even effect as weak as in the nucleosyn-
thesis of a core-collapse supernova. However, to increase the neutron excess to η ∼= 10−2

by such mixing is very difficult to achieve in massive stars, as discussed in Yoon et al.
(2012a). It requires abundant production of primary nitrogen in the first place, which in
turn requires efficient chemical mixing of carbon and oxygen into hydrogen shell burning
during the post-main sequence phases. Then, the primary nitrogen has to be mixed into
the core of the star to increase the neutron excess, via the 14N (α, γ)18F (e+, ν)18O reaction.
One possibility for such mixing is the penetration of the helium-burning convective core
into the hydrogen burning shell source, which is often observed in massive Population III
star models (Heger & Woosley 2010; Yoon et al. 2012a). Such mixing of nitrogen into
the stellar core by convection is not observed in our PISN progenitor models as shown in
Figure 3.5. Even if it occurred, it would be difficult to enhance the neutron excess to more
than about 10−3 (Yoon et al. 2012a). Another possibility is rotationally induced mixing.
Our models are initially slow rotators and lost most of their initial angular momentum
via mass loss, rendering the role of rotation unimportant. Yoon et al. (2012a) concluded
that mixing of nitrogen resulting from rotation may not enhance the neutron excess by
more than about 10−5 even for the extreme case of the so-called chemically homogeneous
evolution. Furthermore, PISNe through chemically homogeneous evolution are expected
only at extremely low metallicity of Z . 10−5 (Yoon et al. 2006; Langer et al. 2007). We
conclude that the neutron excess does not exceed ∼ 10−3 in most PISN progenitors.

As expected from the above discussion, the odd-even effect in our models also appears
to be strong (Figures 3.6, 3.7, and 3.9). The ratio of the even- to odd-charged isotope
mass fractions reaches 10 2 −10 5, which is far from the observed values in the solar system
and in metal-poor stars (Cayrel et al. 2004; Christlieb et al. 2004; Frebel et al. 2005).
However, this effect is significantly weakened, compared to the case of the corresponding
Population III star models, for relatively light nuclei (i.e., lighter than silicon for the 150M�
model and calcium for the 250 M� model respectively). This is because these elements are
produced in the upper layers of the star where neutronization during the explosive phase
does not occur and the degree of the odd-even effect is largely determined by the initial
metallicity of the star. For example, the production factors of magnesium and sodium
differ by 1.2 dex in our 250 M� model, while this difference increases to 2.1 dex in the
corresponding Population III model.
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Note also that the overall production factors of our models are smaller than those of the
corresponding Population III star models, despite the fact that the total yields of heavy
elements are similar as shown in Table 3.2. For example, the production factors of iron
from our 250 M� model and a Population III 115 M� helium star model are 59 and 125,
respectively, while both models give the same total amount of iron (about 19 M�). The
reason for this difference is simply that the presence of a hydrogen envelope is ignored in
the case of the Population III helium star models (i.e., the helium core masses correspond
to the initial masses), while in our models the helium core masses are only certain fractions
of the initial masses.

In the next section, we discuss the implications of this result for the chemical evolution
of galaxies.

3.5 Implications for chemical evolution

As mentioned above, very massive stars at relatively high metallicity are supposed to lose
too much mass to produce PISNe, and metal-poor environments are preferred for PISN
progenitors. Langer et al. (2007) argued that the metallicity threshold for PISNe (ZPISN)
may be about Z�/10 . . . Z�/3. This conclusion is in an agreement with the recent result
of another detailed numerical study by Yusof et al. (2013).

Therefore, it is an important question how PISNe contributed to the chemical evolution
of galaxies in environments with Z . ZPISN. This critically depends on how many PISN
progenitors form as a function of time. There are several possibilities for the formation
mechanism of very massive stars (cf. Zinnecker & Yorke 2007), including very rapid mass
accretion (e.g. Hosokawa & Omukai 2009), mergers in close binary systems and stellar
collisions (e.g., Yungelson et al. 2008; Pan et al. 2012b). Recent observations indicate
that the upper stellar mass limit (MUP) may be as high as 180 M� in our Galaxy and
300 M� in Large Magellanic Cloud (Crowther et al. 2010; Schneider et al. 2014). Because
of the paucity of very massive stars discovered in the local Universe, these observations
still do not give a good constraint on the initial mass function for potential progenitors of
PISNe. If we simply assume the Salpeter-like IMF (Γ = −2.3), about 2% of all supernova
progenitors (M & 12 M�) have initial masses high enough (M & 140 M�) to produce a
PISN.

To evaluate the contribution of PISNe to chemical evolution compared to that of core-
collapse SNe, we calculated the production factor of major nuclei in the following way. The
production factor integrated over an IMF (Φ(M) ∝ M Γ) relative to solar abundances for
a given isotope is given by

P int =

∫ 260

12
miso Φ(M) dM∫ 260

12
X �

isoM Φ(M) dM
=

∫ 260

12
misoM

Γ dM∫ 260

12
X �

iso M
Γ+1 dM

. (3.3)

Here, the minimum and the maximum masses for supernova progenitors are assumed to be
12 M� and 260 M�, respectively. We adopt the core-collapse SN yields from Woosley &
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Weaver (1995). Since we have only two models at 150 M� and 250 M�, we interpolate and
extrapolate our results to cover the full PISN regime (140 – 260 M�) for this calculation, as
shown in Figure 3.8. From the qualitative analysis of metal-free helium PISN models (Heger
& Woosley 2002) we find that linear interpolation gives about 20% effect on weighted bulk
yields, which correspond to 0.1 – 0.2 dex differences for final bulk production factors.

This figure illustrates the contributions of core-collapse SNe and PISNe to the chemical
enrichment. We assume that yields from core-collapse SNe come from the explosions of
massive stars in the mass range from 12 M� to 40 M�. These values are taken from the
low energy explosion models of massive stars at a metallicity of Z = 0.002 by Woosley &
Weaver (1995). The integration over the hatched regions in the figure denotes the IMF-
weighted total amount of heavy elements (all elements heavier than helium) ejected by the
stars from one generation. Note that even though the number of stars in the PISN range
is significantly smaller than the number of core-collapse progenitors, the total amount of
heavy elements ejected from PISNe appears comparable to the integrated CCSN yield.

Here we assume that stars with initial masses between 40 M� and 140 M�, and also
above 260 M� do not considerably contribute to the enrichment of surrounding medium
with heavy elements. We should mention that massive stars lose mass through winds, which
may be enhanced in metals (e.g. carbon) and they contribute to the galactic enrichment
even though they form black holes in the end. However, the stellar winds, also those of
the carbon-rich Wolf-Rayet stars, are reduced for lower initial iron abundances (Vink & de
Koter 2005), such that their effect at the considered metallicities will be small.

Figure 3.9 clearly indicates that the inclusion of PISN yields has a strong impact on
the total production factors even at finite metallicity: the production factor of the even-
charged nuclei is enhanced by a factor of 2 – 3 for most of the α−elements with PISNe, while
it is mostly negligible for the odd-charged nuclei. Note that this odd-even effect becomes
strongest for the elements between Al and Sc. However, the odd-even effect is much weaker
in our models compared to the Population III models. The Population III yields give almost
10 times higher production factors of even-charged nuclei with the inclusion of PISNe. This
difference is mainly because the overall core-collapse SN yields at a metallicity of Z = 0.002
are significantly larger than those of Population III core-collapse SNe, and partly because
our PISN models give a somewhat weaker odd-even effect than the Population III models
as discussed above.

As discussed in Section 3.2, the event rate of PISNe is expected to decrease to zero for
metallicities higher than about Z = Z�/3. The nucleosynthetic signature of PISNe should
be washed out by contribution of core-collapse SNe as the metallicity reaches the solar
value, and the effect of PISNe on chemical evolution might not be found in Population I
stars. However, from our study we conclude that the impact of PISNe in the environment
of Z = 0.001− 0.002 may be still significant depending on the IMF, and should be tested
in future observations of Population II stars with metallicities well below Z = Z�/3.
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3.6 Conclusions

In the frame of this study we calculated the evolution of two very massive stellar models at
a metallicity of Z = 0.001. These two models have initial zero age main sequence masses
of 150 M� and 250 M�. The models were evolved through the core hydrogen, helium and
carbon burning (Langer et al. 2007) with the Binary Evolution Code BEC of the Bonn
stellar physics group (Yoon et al. 2006). Here, we continued the evolution using the same
evolutionary code with an extended nuclear network where 200 isotopes are considered. We
evolved these models through the electron-positron pair creation phase and the consequent
collapse and explosive oxygen and silicon burning. The 150 M� and 250 M� models eject
a total amount of 64 M� and 111 M� of metals, respectively.

We find that an excess production of even-charged elements compared to odd-charged
elements is still found in our models as in Population III PISNe. However, the odd-even
effect is smaller for most of the α−elements compared to the case of Population III stars
because of the initially higher metallicity. The nucleosynthetic pattern of the iron-group
elements is critically determined by the neutronization during the explosive burning and
therefore less affected by the initial metallicity.

Given that our 150 M� and 250 M� models represent the low-mass and high-mass ends
of PISN regime respectively, this study allowed us to compare the PISN nucleosynthesis
with that of core-collapse supernovae at a similar metallicity. We find that the impact of
PISNe on the overall nucleosynthetic pattern is expected to be weaker at Z = 0.001−0.002
than in the metal-free environment (Figure 3.9). This is mainly because of the higher initial
neutron excess of our models set by higher initial metallicity.

However, the total nucleosynthetic yields from both core-collapse SNe and PISNe at Z =
0.001−0.002, assuming a Salpeter IMF, would result in the enhancement of α−elements by
factors of 2 – 3 compared to the case without PISN contribution (Figures 3.8 and 3.9). This
analysis shows that PISNe at a metallicity of Z = 0.001 can contribute to the enrichment of
the interstellar medium with heavy elements in a similar way as Population III PISNe: the
odd-even effect is still expected in metal-poor stars at metallicities of about 0.001− 0.002,
although its degree would be reduced by factors of 3 – 4 compared to the prediction from
Population III stars, as shown in Figure 3.9. Therefore, our models may be a useful guide
for interpreting future observations of the chemical abundances in Population II stars at
Z ≈ 0.001 − 0.002 to constrain the number of PISNe that might have occurred in our
Galaxy.
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Figure 3.2: Evolution of the energetics for our 150 M� and 250 M� models. The kinetic
energy (blue, circles), the binding energy (green, times) that is the sum of gravitational
and thermal energies, and the nuclear binding energy (red) of the stars are shown. Here,
the nuclear binding energy is defined by the difference between the total nuclear binding
energy of all nuclei at the end of carbon burning and that of a given evolutionary epoch
(see description in the text). The zero point in time is defined as the time of the beginning
of pair instability explosion.
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Figure 3.3: Total energy evolution for our 1500 M� (upper) and 250 M� (bottom) models.



82 Chapter 3. Explosion and nucleosynthesis of low redshift pair instability supernovae

Figure 3.4: The final chemical structure of our models.
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Figure 3.5: Kippenhahn diagram for the 250 M� PISN model. Convective and semi-
convective layers are marked by green hatched lines and red dots, respectively. The net
amount of local energy loss and production is indicated by colar shading. The surface of
the star is marked by the black solid line.
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Figure 3.6: Production factors of major elements from our 150 M�(upper panel) and
250 M�(lower panel) PISN models (red thick lines) compared with those of comparable
70 M� (upper panel) and 115 M� (lower panel) Population III helium star model by Heger
& Woosley (2002) (blue thin lines).
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Figure 3.7: Isotopic production factors for the indicated nuclei. The isotopes of a given
element are connected by solid lines. The filled circles indicates the most abundant isotope
for each element, while the open circles denote the other isotopes. Our 150 M�(upper
panel) and 250 M�(lower panel) PISN models (red thick) are compared with those of
comparable 70 M� (upper panel) and 115 M� (lower panel) Population III helium star
model by Heger & Woosley (2002) (blue thin).



86 Chapter 3. Explosion and nucleosynthesis of low redshift pair instability supernovae

Figure 3.8: The total metal yields of core-collapse SN models at Z = 0.002 provided by
Woosley & Weaver (1995) (the A-series SNe models; green line) and of PISNe at Z = 0.001
(blue line), multiplied by the initial mass function probability (Φ(M) ∝M Γ ), as a function
of the initial mass. The y-axis is given in arbitrary units. Here, the PISN yields in the
range 140 M� – 260 M� are given by the extrapolation and interpolation of our 150 M�
and 250 M� model results. We assumed a negligible metal yield for 40 M� < M < 140M�
and above 260 M�.
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Figure 3.9: Production factors relative to solar abundances of major elements from core-
collapse SNe (dotted lines), and from both core-collapse and pair-instability SNe (solid
lines). The blue thin lines are the results using the Population III star models by Woosley
& Weaver (1995) and Heger & Woosley (2002). The red thick lines correspond to the
production factors using the values from Woosley & Weaver (1995) and present study
(shown in Figure 3.8).
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Chapter 4

Observational properties of low
redshift pair instability supernovae

This chapter includes the description of carried out simula-

tions of the explosion of very massive stars. It contains the

results of calculations for two evolutionary models of 150M�
and 250 M� exploded as pair instability supernovae. The

chapter illustrates similarities and differencies to other pair

instability supernova simulations and also the comparison

to discovered bright and luminous supernovae type IIP and

type Ic.

4.1 Overview

So-called superluminous supernovae have been recently discovered in the local Universe.
It appears possible that some of them originate from stellar explosions induced by the
pair instability mechanism. Recent stellar evolution models also predict pair instability
supernovae from very massive stars at fairly high metallicities (i.e., Z ∼ 0.004).

We provide supernova models and synthetic light curves for two progenitor models, a
150 M� red supergiant and a 250 M� yellow supergiant at a metallicity of Z = 0.001,
for which the evolution from the main sequence to collapse and the initiation of the pair
instability supernova (PISN) itself has been previously computed in a realistic and self-
consistent way.

We use the radiation hydrodynamics code STELLA to describe the supernova evolution
of both models over a time frame of about 500 days.

We describe the shock-breakout phases of both supernovae, which are characterized
by a higher luminosity, a longer duration and a lower effective temperature than those of
ordinary Type IIP supernovae. We derive the bolometric, as well as the U, B, V, R, and
I, light curves of our pair instability supernova models, which show a long-lasting plateau
phase with maxima at Mbol ' −19.3 mag and −21.3 mag for our lower and higher mass
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models, respectively. While we do not produce synthetic spectra, we also describe the
photospheric composition and velocity as a function of time.

We conclude that the light curve of the explosion of our initially 150 M� star resembles
those of relatively bright type IIP supernovae, whereas its photospheric velocity at early
times is somewhat lower. Its 56Ni mass of 0.04 M� also falls well into the range found in
ordinary core collapse supernovae. The light curve and photospheric velocity of our 250 M�
models has a striking resemblance to that of the superluminous SN 2007bi, strengthening its
interpretation as pair instability supernova. We conclude that pair instability supernovae
may occur more frequently in the local universe than previously assumed.

4.2 Introduction

The final fate of very massive stars with initial masses between approximately 140 M�
and 260 M� has been studied in many papers (Fowler & Hoyle 1964; Bisnovatyi-Kogan &
Kazhdan 1967; Rakavy & Shaviv 1967; Barkat et al. 1967; Fraley 1968; El Eid & Langer
1986; Heger et al. 2003). Such massive stars undergo the dynamical instability caused by
the creation of electron-positron pairs in oxygen cores, if they can keep their oxygen core
masses high enough (& 60 M�) until carbon exhaustion at the center (Heger et al. 2003).
This leads to explosive oxygen burning that eventually causes complete disruption of the
star without leaving a compact remnant behind.

Theoretical models predict that these pair instability supernovae (PISNe) can be much
more energetic and luminous than ordinary SNe. Explosion energies of up to 10 53 erg
and masses of radioactive nickel up to 40 M� (e.g., Heger & Woosley 2002) are found
to be achieved depending on the progenitor mass. The corresponding light curves are
characterized by a long-duration of several hundreds of days and luminosities of up to
10 43−10 44 erg s−1 (Scannapieco et al. 2005; Kasen et al. 2011; Dessart et al. 2013; Whalen
et al. 2013a,d).

It is believed that PISNe are particularly relevant to the first generations of stars in
the early Universe. Theoretical studies indicate that a significant fraction of the first stars
would be massive enough to be potential progenitors of PISNe, mainly because of the
lack of efficient coolants in the star-forming regions in the early Universe (e.g., Bromm
et al. 1999; Nakamura & Umemura 2001; Abel et al. 2002; Omukai & Palla 2003; O’Shea &
Norman 2006; Ohkubo et al. 2009). Such very massive stars in the early Universe would not
lose much mass during the pre-supernova evolutionary stages in favor of PISN production,
because metal-free massive stars are not supposed to have strong line-driven winds (Krtička
& Kubát 2006) and because they are expected to be stable against pulsations (Baraffe et al.
2001). Several numerical studies have been therefore presented to discuss the nature and
detectability of PISNe in the early Universe (Scannapieco et al. 2005; Kasen et al. 2011;
Dessart et al. 2013; Whalen et al. 2013a). These studies considered a variety of PISN
progenitors including red supergiants (RSG), blue supergiants (BSG) and pure helium
stars, but the considered metallicities of these progenitor models were limited to zero or
very small values (Z ≤ 10−4).
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However, several recent studies indicate that PISNe are likely to occur not only in the
early Universe, but also in the local Universe where metallicity is systematically higher than
in the environments with high redshift. Crowther et al. (2010) found several very massive
stars (VMS) with initial masses of 150 M� .M . 320 M� in the Large Magellanic Clouds
(LMC), which are potential PISN progenitors. The final fate of such VMS stars is critically
determined by mass loss (e.g., Vink et al. 2011). Given the strong metallicity dependence
of the stellar winds mass loss rate (e.g., Mokiem et al. 2007), it is generally believed that
VMSs cannot retain enough mass to produce PISNe for high metallicity. However, Langer
et al. (2007) point out that the production of PISNe does not necessarily require extremely
metal-poor environments, although low metallicity is still preferred. Using stellar evolution
models, they argue that the metallicity threshold below which PISNe may occur (ZPISN)
can be as high as Z�/3 (Langer 2009). More recently Yusof et al. (2013) drew a similar
conclusion.

The recent discovery of several superluminous SNe (SLSNe) that cannot be easily ex-
plained by usual core-collapse and/or interaction supernovae (see Gal-Yam 2012a, for a
recent review) also provides evidence for PISN in the local Universe. In particular, the
observed properties of SN 2007bi and SN 2213-1745 seem to imply a large amount of
radioactive nickel in these supernovae (i.e, more than 3 M� of 56Ni), for which PISN ex-
plosion gives one of the best explanations (Gal-Yam et al. 2009; Young et al. 2010; Cooke
et al. 2012). Given that some other possibilities like very energetic core-collapse explo-
sion or magnetar-driven SN have also been suggested to explain SLSNe (Moriya et al.
2010; Woosley 2010; Kasen & Bildsten 2010) and that future observational SN surveys will
discover more diverse SLSN events in nearby galaxies, detailed studies on the observable
properties of PISNe in the local Universe are still needed to have a solid conclusion on the
association of SLSNe and PISNe (e.g., Dessart et al. 2012b).

Langer et al. (2007) presented PISN progenitor models with initial masses of 150 M�
and 250 M�, which roughly represent the low- and high-mass ends of PISN progenitors, at
a metallicity of Z =0.001 to discuss the possible event rate of PISNe in the local Universe.
Kozyreva et al. (2014b) investigated the explosions and consequent nucleosynthesis of these
models to discuss the implications of PISNe for the chemical evolution. In this paper, we
explore these models further to investigate their observable properties using the radiation
hydrodynamics code STELLA (Blinnikov et al. 2006). These models together with those
from Herzig et al. (1990) and Whalen et al. (2013c) are among the highest metallicity PISN
light curve models available in the literature, and therefore useful to identify PISN events
at low redshift.

We explain the method of calculations in Section 4.3 and discuss the produced light
curves in Section 4.4. In Section 4.5, we compare our results with other synthetic light
curves for PISNe and with observational light curves of usual and unusual core collapse
SNe (CCSNe). We conclude our work in Section 4.6.
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4.3 Evolutionary models and light curves modeling

4.3.1 Description of the evolutionary models

For simulating the light curves of PISNe we use the results of evolutionary calculations
produced with the Binary Evolution Code (BEC, Langer et al. 2007; Kozyreva et al.
2014b). These are initially 150 M� and 250 M� models at a metallicity of Z = 10−3, with
an initial rotation velocity of 10 km s−1. The evolution of the stars was calculated all the
way from the zero age main sequence to the thermonuclear explosion caused by the pair
instability. To follow the nucleosynthesis, Kozyreva et al. (2014b) used the Torch nuclear
network developed by Timmes (1998, 1999) using 200 isotopes. Our progenitor models are
red and yellow supergiants for the 150 M� and 250 M� models, respectively (Langer et al.
2007; Kozyreva et al. 2014b). The main characteristics of the models are summarized in
Table 4.1. We also list PISN models from Dessart et al. (2013) (labeled ‘.D’) and Kasen
et al. (2011) (labeled ‘.K’) for comparison. ‘R’ and ‘B’ indicate red and blue supergiant
progenitors.

Our stellar models lose a large fraction of their initial mass during core hydrogen and
core helium burning due to line-driven winds (Langer et al. see 2007, for details and
Kudritzki et al. 1989; Vink et al. 2001; Vink & de Koter 2005; Yoon et al. 2010). The
average mass-loss rate is about 2× 10−5 M� yr−1. By the onset of the pair instability our
150 M� star has lost 56 M� and our 250 M� star 81 M�. We show the pre-supernova
evolution of stellar mass in Figure 4.3.

The stellar evolutionary models were calculated with the assumption of semi-convection
using a large semi-convective mixing parameter (αSEM = 1), and without convective core
overshooting. The mixing length parameter was chosen to be 1.5 (Yoon et al. 2006). Note
that we neglected any convective mixing during the pair instability phase (Kozyreva et al.
2014b).

The input models for the STELLA calculations already contain the shock wave gener-
ated at the boundary between the oxygen and helium shells emerging from the interaction
between the rapidly expanding inner core and the nearly static outer helium-hydrogen en-
velope (Kozyreva et al. 2014b). The physics of the pair instability explosion mechanism is
well understood and smoothly reproduced by evolutionary simulations without the need
of invoking artificial assumptions. This is contrasted to other SN types that often need
free parameters for supernova modeling, such as the critical density for the transition from
deflagration to detonation for type Ia supernovae and the mass cut, degree of chemical
mixing, and explosion energy for core-collapse supernovae.

In Figures 4.1 and 4.2, we show the density and the chemical structure of our progenitor
models at the onset of the STELLA calculations. At this moment the matter below the
helium shell expands nearly homologously (v ∝ r). In Figure 4.2, we truncated the outer
hydrogen-helium envelope which moves at very low velocity compared to the fast moving
inner ejecta. We also do not show in this figure the bottom of the hydrogen-helium envelope
where the shock is located and causes a strong discontinuities.

The ejecta in the 150 M� model contain 0.04 M� of 56Ni in the innermost region,
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Figure 4.1: Density structure of the 150 M� and 250 M� PISN progenitor models at the
onset of the STELLA calculations.
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moving at a velocity of less than 500 km s−1. The 250 M� model contains 19 M� of
nickel over an extended region with 0 km s−1 ≤ v ≤ 5000 km s−1, which corresponds to
0 M� ≤ Mr ≤ 50 M�. We do not apply any mixing in our models. Later we discuss the
impact of this chemical structure on light curves. There is a small amount of helium in the
innermost region of the 250 M� star as seen in Figure 4.2. This helium was produced by
photo-disintegration of heavy elements during the explosive burning. We summarize the
main properties of the PISNe in Table 4.1 along with other PISN models that we use for
comparison.

4.3.2 Simulation of theoretical light curves and SEDs1

For simulating the hydrodynamic evolution during the pair instability explosion we use
the one-dimensional (1D) multigroup radiation Lagrangian implicit hydrodynamics code
STELLA (Blinnikov et al. 2006 and references therein). The code solves the hydrody-
namic equations coupled with the radiative transfer equations without assuming radiative
equilibrium. The STELLA code uses one temperature for the matter and has no specific
temperature for radiation. The non-steady radiative transfer is solved for each of the one
hundred frequency groups in all radial zones. The energy groups are uniformly distributed
in logarithmic scale (i.e. in geometric progression) between the maximum wavelength of
50,000 Å and the minimum wavelength of 1 Å. The light curves are computed by integra-
tion of fluxes calculated with the STELLA code with UBVRI Bessel filter function using
logarithmic interpolation.

The opacity is calculated for each frequency group taking about 160000 spectral lines
into account according to Kurucz data (Kurucz 1991). The opacity also includes pho-
toionization, free-free absorption and electron scattering assuming local thermodynamical
equilibrium. Because of the large velocity gradient the opacity is calculated accounting
for the effect of an expanding medium following Friend & Castor (1983) and Eastman &
Pinto (1993). Local thermodynamic equilibrium is assumed in the plasma allow the use of
the Boltzmann-Saha’s distribution for ionization and level populations. This is needed for
determining absorption, scattering and emission coefficients. Gamma-ray transfer is cal-
culated using the one-group approximation for the non-local deposition of energy from the
radioactive decay (Ambwani & Sutherland 1988). The code treats strong discontinuities
(shock propagation) with an artificial viscosity term. The STELLA code does not follow
any nuclear reactions.

To map the BEC models into the STELLA code we remeshed the models. The original
number of zones was reduced from 1931 BEC zones to 242 STELLA zones for the 150 M�
model and from 2202 BEC zones to 276 STELLA zones for the 250 M� model. We reduce
the number of isotopes from 200 (from hydrogen to germanium) to 16 (H, He, C, N, O,
Ne, Na, Mg, Al, Si, S, Ar, Ca, Fe, Co, Ni).

The envelopes of the progenitor models are optically thick and photons are not able to
leave them on a short time scale. Therefore, STELLA radiation transport calculations

1SED — spectral energy distribution.
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Figure 4.2: Chemical structure of the exploding 150 M� and 250 M� stars at metallicity
Z = 10−3 at the onset of the STELLA calculations.
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Figure 4.3: Pre-supernova evolution of the stellar mass of our models due to stellar wind
mass loss.
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Figure 4.4: Bolometric and multiband (U, B, V, I, R) light curves for 150 M� and 250 M�
PISNe at metallicity Z = 10−3. U, B, V, I, R magnitudes are plotted with a shift of +2,
+1, 0, -1, -2 magnitudes, respectively.
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are computationally very expensive for an input model in which a shock is located far
from the photosphere. On the other hand, using a more evolved input model in which the
shock front is closer to the photosphere causes more numerical instabilities just behind the
shock because the BEC code does not include artificial viscosity. We therefore compared
two different cases to test how the choice of the starting model affects the final outcome:
one in which the shock front is located at the bottom of the helium shell and the other
in which the shock is propagating in the middle of the helium envelope. We find that the
final solutions differ only by less than 10% in the terms of bolometric luminosity. In the
following we use the model in which the shock reached the bottom of hydrogen-helium
envelope. This defines the point t = 0 for all the figures.

Note that the zero point in time (t = 0) is not the same as the time of the explosion.
Nevertheless, the time between the onset of the pair instability explosion (namely the
highest central density) and the beginning of the light curve calculations is 1 hour for
150 M� model and 44 seconds for 250 M� model. These are the time intervals that the
shock takes to propagate through the shallow pure helium layer to reach the bottom of
hydrogen-helium envelope. These intervals are relatively small compared to the light curve
evolution (months), therefore, one can consider the time in all figures as approximate time
since the onset of the pair instability explosion.

4.4 Results

In Figure 4.4, we plot the bolometric and U, B, V, R, I band light curves for the 150 M� and
250 M� models. Hereafter, in figures and tables we designate the models as Model 150M
and Model 250M respectively. The U, B, V, R, I magnitudes are plotted with a shift of
+2, +1, 0, -1, -2 magnitudes, respectively. The bolometric curves follow closely the V -
band light curves, except for early time where it needs ultraviolet bolometric corrections,
and for late time where it needs infrared bolometric corrections (Bersten & Hamuy 2009).
We summarize the details about shock breakout events (duration, maximum luminosity,
effective and color temperatures, spectral wavelength peak, spectral energy peak) and light
curves in comparison to other radiative simulations of PISN explosion (Kasen et al. 2011;
Dessart et al. 2013) in Table 4.2.

For the discussion on the light curves below, we also show the evolution of the chem-
ical composition at the photosphere which recedes along the decreasing Lagrangian mass
coordinate, in Figure 4.5. The photosphere is defined as the mass zone where the electron-
scattering optical depth in B -band turns above 2/3. This consideration is valid while
matter and radiation temperatures are comparable at an accuracy better than 10%. The es-
timated period during which such conditions are present is approximately the first 350 days
for Model 150M and 250 days for Model 250M. At later times, the opacity is dominated
by line opacity and non-local thermodynamical equilibrium consideration is required.

Soon after the explosion, the shock wave forms when the fast expanding inner part of the
star encounters the slowly moving helium layer and the hydrogen-helium envelope. Because
the whole envelope is optically thick it takes a long time for photons generated during the
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Figure 4.5: Evolution of the composition at the receding electron-scattering photosphere
for the 150 M� and 250 M� PISN models.
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Figure 4.6: Shock breakout events for 150 M� and 250 M� PISN explosions.
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explosive burning to reach the surface (optically transparent medium). Therefore, firstly,
during about 6 days for Model 150M and 12 hours for Model 250M the shock passes through
the entire envelope (see e.g., Shigeyama et al. 1987; Blinnikov et al. 2000). The shock wave
reaches the surface, and the envelope matter behind the shock is heated and ionized. When
the shock emerges at the surface the energetic shock breakout flash of ultraviolet and X-
ray emission appears with a duration of a few hours. The shock breakout is shown in the
Figure 4.6. We draw some important conclusions about the shock breakout in Section 4.5.

4.4.1 The 150 M� model

Soon after the shock breakout, the temperature drops rapidly due to adiabatic cooling.
Later the recombination losses become comparable to adiabatic cooling (Grasberg et al.
1971). The recession of the photosphere along the Lagrangian mass coordinate is compen-
sated by an overall expansion of the envelope. The combination of expansion and cooling
provides the condition for only slight variations of the luminosity for some time (Grasberg
& Nadezhin 1976; Imshennik & Nadezhin 1989). This emerges as a plateau phase in the
light curve. The plateau phase lasts for about 100 days for Model 150M. The light curve
shape of Model 150M looks similar to that of ordinary type IIP supernovae. This fact
is also noticed by Scannapieco et al. (2005) and Kasen et al. (2011). The absolute V -
band magnitude becomes about MV = −19 mag at the visual maximum, which is about
10 times brighter than an average SN IIP. However, the peak luminosities of type IIP SNe
vary by a factor of 100, and that of our model is still contained in this range. Its high
luminosity results from the relatively high supernova energy (about 10 foe) and the large
radius (3394 R�) of the progenitor. Once the photosphere recedes to the region below the
hydrogen-rich envelope, the luminosity decreases rapidly and then becomes governed by
the radioactive decay of 56Co.

It is interesting to consider the effective temperature evolution which we present in
Figure 4.7. Note that the recombination effectively slows the adiabatic cooling during
the expansion. The recombination starts playing a role when recombination radiation
becomes comparable to adiabatic cooling. This happens when the effective temperature
is approximately 10000 K (Imshenik & Nadezhin 1965), i.e. well before the establishment
of a recombination cooling wave. The effective temperature of an ordinary SN II remains
nearly constant (∼ 5500 K) after the establishment of a recombination cooling wave. This
phase begins about 20 days after the explosion for an ordinary SN II (Bersten & Hamuy
2009; Dessart & Hillier 2011). This delay of 20 days depends mostly on the progenitor
radius (Grasberg et al. 1971; Imshennik & Utrobin 1977).

Due to the very large progenitor radius of 150 M� PISN (3400 R�) the onset of the
recombination cooling wave is delayed up to day 100 in this case. For about 20 days
thereafter, when the photosphere is still inside the hydrogen-helium layer (Figure 4.5), the
recombination cooling wave is established for a while and the effective temperature is kept
at the hydrogen recombination level. Although the mass fraction ratio between hydrogen
and helium is 4:1, the number of hydrogen atoms is about equal to the number of helium
atoms and the relative contribution to the electron density from hydrogen stays high. The
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Figure 4.7: Evolution of the effective and color temperature of 150 M� (blue) and 250 M�
(green) PISN models. Solid curves correspond to color temperatures. The dashed and
dashed-dotted curves represent effective temperature of the 150 M� and the 250 M� mod-
els, respectively. The thin line is located at 5000 K and approximately corresponds to
hydrogen recombination temperature.
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plateau phase of this model mostly corresponds to the phase of rapidly evolving photo-
spheric temperature. This is different from the case of ordinary SN IIP (see e.g., Bersten
& Hamuy 2009). In Section 4.5.3 we provide the comparison of the color temperature
with those of typical and bright SNe IIP, and with SN 2009kf which was bright in the
near-ultraviolet (NUV) range at early time.

4.4.2 The 250 M� model

The light curve looks very different for our Model 250M (Figure 4.4). After the shock
breakout, the bolometric magnitude drops to about M ' −18 mag during the first 50 days.
The luminosity decreases due to the adiabatic expansion more rapidly than in Model 150M,
because the progenitor of Model 250M is more compact (i.e., R = 745 R�, compared to
3394 R� in Model 150M). A precursor-like event happens at around day 20 in U, B, V -
bands at magnitude M ' −18.5 mag. Such precursor could be perceived as a separate
hydrogen-rich SN being discovered long before reaching the maximum luminosity.

A re-brightening occurs thereafter, as the energy from the radioactive decay of nickel
and cobalt in the ejecta diffuses out (Dessart et al. 2010). The photosphere recedes below
the hydrogen-rich envelope starting at about day 175 (Figure 4.5), but unlike in the case
of Model 150M, the luminosity keeps increasing until about 220 days, reaching MV =
−21 mag at the visual maximum. At later times, the light curve is largely governed by
the radioactive decay of 56Co. A hump-like feature on top of the main maximum phase
is shown around day 220. At this time the photosphere leaves the oxygen-rich layer and
moves down to the silicon-rich layers. The receding front gradually encounters a bubble of
diffusing photons generated by the radioactive decay.

It is interesting to note that the photosphere is located in the inner layers where there
is no hydrogen and helium well before the luminosity reaches its peak, as mentioned above
(Figures 4.4 and 4.5). Based on our results we cannot predict whether hydrogen and helium
lines are expected in the spectrum at the time of maximum luminosity due to excitation
by radiation above the photosphere. However, Dessart & Hillier (2011) showed that the
Balmer lines disappear after the photosphere leaves the hydrogen-rich shell of ejecta in
the case of type II plateau SN and there are no Balmer-continuum photons at later time.
The spectral models for PISNe by Dessart et al. (2013) also indicate that hydrogen lines
do not appear once the photosphere moves down to the hydrogen-free core. Non-thermal
excitation of hydrogen can happen if there is some degree of mixing of cobalt and nickel
into layers containing hydrogen (Li et al. 2012). However it is expected that PISNe do not
experience such mixing during the explosion according to the recent numerical simulations
of Joggerst & Whalen (2011). Therefore, we expect that PISNe like Model 250M will
not have any hydrogen lines once the photosphere recedes to the hydrogen-free core. For
the same reason, we do not expect helium lines in the optical bands either, because strong
mixing of helium and radioactive nickel is needed to excite helium lines as shown in Dessart
et al. (2012a). This means that the Model 250M would appear as a type II SN initially but
look like a SN Ic from about day 175, well before the luminosity reaches its peak value.
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4.5 Discussion

4.5.1 Comparison with other theoretical PISN light curves

In this section we compare our results with other PISN models from red or blue super-
giant progenitors. These include PISN models carried out with the Monte Carlo radiation
transport code SEDONA (labeled ‘.K’ in figures, tables; Kasen et al. 2006, 2011) and
with the non-LTE radiative-transfer code CMFGEN (labeled ‘.D’; Dessart et al. 2013).
Light curves from the SEDONA simulations are integrated from spectra provided by
D. Kasen and artificially smoothed. The noisy appearance is a consequence of the sta-
tistical approach of Monte Carlo transport calculations. The advantage of the STELLA
calculations over the SEDONA and the non-LTE CMFGEN codes is the capability to
simulate the radiation-hydrodynamical evolution from the onset of the explosion. Hence
we reproduce the emergence of the shock breakout event and the hydrodynamical evolu-
tion during the pair instability explosion. Both, SEDONA and CMFGEN, carry out the
radiative transfer calculations once the homologous expansion is reached. The codes have
their advantages for spectral computations well described in a number of papers (Kasen
et al. 2006; Woosley et al. 2007b; Dessart & Hillier 2010, 2011).

Red supergiants

Red supergiant (RSG) progenitors are common for producing SNe IIP (Grasberg et al.
1971; Smartt 2009). Typically the light curve from the explosion of a red supergiant is
characterized by a pronounced plateau phase lasting for about 100 days, followed by a
radioactive tail (Barbon et al. 1979). In this section we compare our lower mass PISN
Model 150M with other PISNe produced by RSG progenitors.

In Figure 4.8, we plot the theoretical light curves for different RSG PISN models:
Model 150M, Model R150.K, Model R150.D, and Model R250.K (see Table 4.1 for de-
tails). As already discussed by Kasen et al. (2011) and Dessart et al. (2013), more massive
progenitors result in higher luminosities and broader light curves. In particular, heat-
ing due to radioactive decay of nickel and cobalt leads to an increase in luminosity in
Model R190.D and Model R250.K which produced large amounts of 56Ni (2.63 M� and
37.9 M�, respectively), while it is not seen in Model R150.K and Model 150M which have
only 0.07 M� and 0.04 M� of 56Ni, respectively. The tail of each light curve is powered by
cobalt decay and its luminosity is directly proportional to the amount of radioactive nickel
generated during the explosion. This dependence is clearly visible in Figure 4.8.

Our Model 150M is directly comparable to Model R150.K, because it has the same
initial progenitor mass, a similar explosion energy and a similar nickel mass (Table 4.1).
Compared to Model 150M, Model R150.K has a 500 times lower metallicity, which results
in several important differences in the progenitor properties:

1. The ejecta mass is much lower for Model 150M (94 M�) than that of Model R150.K
(143 M�).
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Figure 4.8: Bolometric luminosity for the red supergiant models 150M (blue thick solid
curve), R150.K (green thin solid curve), R190.D (red dashed curve), and R250.K (cyan
dashed-dotted curve).
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Figure 4.9: Photospheric velocities for the same models as shown in Figure 4.8. Labels,
line styles and colours have identical meanings.
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Figure 4.10: Bolometric luminosity for the Model 250M (blue thick solid curve),
Model B190.D (green thin solid curve), Model B210.D (red dashed-dotted curve), and
Model B250.K (cyan dashed curve).
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2. The hydrogen-helium envelope masses are 29 M� in Model 150M and 71 M� in
Model R150.K, respectively.

3. Because of stronger mass loss, the hydrogen mass fraction in the envelope of Model 150M
is much lower (XH ≈ 0.2) than that of Model R150.K (XH ≈ 0.7).

4. The radius at the pre-supernova stage is significantly larger for Model 150M (R =
3394 R�) than for Model R150.K (R = 2314 R�).

As a consequence the overall plateau duration is shorter in Model 150M than in Model R150.K,
because of the lower hydrogen envelope mass and lower mass fraction of hydrogen in the
envelope. Moreover, nickel was additionally mixed into outer layers in Model R150.K which
in turn caused extra nickel heating during plateau phase.

Figure 4.9 plots the photospheric velocities of the RSG models. The Model 150M
and Model R150.K have a phase where the photospheric velocity remains nearly constant,
which results from the interplay between the recession of the photospheric front and the
expansion of the ejecta. For the models with higher E/M ratio, i.e. Model R190.D and
Model R250.K, the photospheric velocities stay at a high level for a longer time. This is the
result of a stronger explosion and hence a more powerful shock. More energetic photons
keep the medium ionised for longer and the photosphere remains in hydrogen-rich regions
(larger Lagrangian mass coordinate) for a longer time (up to around day 250 and day 300
for Model R190.D and Model R250.K, respectively).

The photospheric velocity in Model 150M is very low at the moment of shock breakout
(4000 km/s) because the shock spends a large fraction of its energy on ionizing the medium
while traveling along the extremely extended envelope. As showed in Grasberg et al. (1971),
Falk & Arnett (1977), Blinnikov & Tolstov (2011) and Tolstov et al. (2013), extended
progenitors result in lower photospheric velocities than more compact ones.

Yellow and blue supergiants

In Figure 4.10, we plot light curves for PISNe from more compact progenitors than RSGs:
Model 250M, Model B190.D2, Model B210.D, and Model B250.K. These PISNe produce
light curves reminiscent to that of SN 1987A: the luminosity decreases rapidly in the
beginning, but the supernova re-brightenes again as the thermalized photons from the
radioactive decay of nickel and cobalt diffuse out. The bolometric luminosity of our yellow
supergiant Model 250M is higher than that of the other blue supergiant models during
the initial phase (t . 50 days), because of the larger radius of the progenitor (e.g. Popov
1993).

In Figure 4.11, we show the evolution of the photospheric velocity for the compact
progenitor models. In all of these models, the photosphere recedes very rapidly through
the outer hydrogen-helium layer after shock breakout. In Model 250M, Model B210.D

2Blue supergiant B190.D is the same evolutionary model as red supergiant R190.D but with truncated
hydrogen atmosphere (about 30 M� of outer hydrogen layer is cut; Dessart et al. 2013).
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Figure 4.11: Photospheric velocities for the same models as shown in Figure 4.10. Labels,
line styles and colours have identical meanings.
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and Model B250.K, where the amounts of nickel exceed 19 M�, the reversion of the photo-
spheric velocity occurs when the recombination and cooling wave encounters the expanding
“bubble” of diffusing photons generated by nickel radioactive decay. These photons ionize
the just recombined medium and push the photospheric front to outer shells. A higher
envelope mass leads to a broader phase of this reverse photosphere motion.

The sudden drop in the velocity of Model 250M occurs around day 175. At this time the
photosphere leaves the hydrogen-helium envelope (Figure 4.5) and moves rapidly through
hotter layers of oxygen, neon, carbon and magnesium heated by diffusing nickel photons.
There is a lack of such a sharp drop in other calculations because their input chemical
structure was smeared (Kasen et al. 2011; Dessart et al. 2013) to mimic hydrodynamical
mixing happened during the explosion. However, it was shown by a number of studies
that the degree of mixing for the inner regions containing radioactive nickel is not so
prominent (Joggerst & Whalen 2011; Chen et al. 2012; Chatzopoulos et al. 2013; Chen
et al. 2014). Mixing is more efficient in the oxygen layer where the shock emerges and
above it due to the propagation of the reverse shock. Red supergiants exhibit a higher
degree of mixing compared to more compact blue supergiants, similar to red and blue
supergiant core collapse SNe (Joggerst et al. 2009).

4.5.2 The chemical structure during the coasting phase

Figure 4.12 shows the ejecta structure of Model 150M and Model 250M at coasting phase.
In fact, the coasting phase begins around day 10 for both our models. In Figure 4.12, we
plot the chemical composition of the ejecta at day 950 and day 1200, respectively. The
plots demonstrate what would be the degree of Doppler broadening for the spectral lines
of the given elements 10 days after the explosion and later.

The oxygen shell in Model 150M, which contains small amounts of carbon, neon, mag-
nesium and silicon, expands at a velocity of 1000 – 2200 km s−1. The inner silicon-sulfur
shell moves at velocities below 2000 km s−1. Model 250M shows systematically higher
velocities. The oxygen-rich layers travel at 4000 – 5000 km s−1, the silicon-sulfur shell —
at about 4000 km s−1, and the nickel-rich layer moves at 0 – 3900 km s−1.

In the Model 250M the structure has some peculiarity at the sulfur-silicon layer moving
at velocity around 4000 km s−1. The reason is the hydrodynamical effect of nickel heating
(Arnett 1988; Woosley 1988; Arnett et al. 1989a; Pinto & Eastman 2000; Woosley et al.
2007b). The additional radiation pressure produced by nickel heating provides an acceler-
ation of the innermost 30 M� of ejecta. The effect increases the velocity field in the inner
part of the ejecta by a few hundred km s−1 and decreases the density. The overall changes
in density and velocity do not exceed 10% on a relative scale. This effect has no influence
on the light curve shape around the luminosity peak (Woosley et al. 2007b) because the
photosphere retains far from the innermost region at this time.
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Figure 4.12: Chemical structure of ejecta of 150 M� and 250 M� PISNe at day 950 and
day 1200 correspondingly.
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Figure 4.13: Absolute V -band light curve for 150 M� PISN (blue solid line) and absoluteV -
band magnitudes for typical plateau SN 1999em (green circles) and three bright plateau
SNe 1992H (magenta circles), 1992am (cyan squares), 2009kf (red squares).

4.5.3 Comparison with observed SNe

Relatively low-mass PISNe and type IIP SNe

Our Model 150M is particularly relevant for the identification of PISNe in the local Uni-
verse. This is because SNe from the low-mass end of the PISN regime like Model 150M are
expected to be more abundant than those from the high-mass end like our Model 250M.
In Figure 4.13, therefore, we show the first 170 days of light curves for our synthetic PISN
models and compare it to several observed plateau SNe. The data for these particular SNe
are taken from the Sternberg Astronomical Institute Supernova Light Curve Catalogue
(Tsvetkov et al. 2010; Tsvetkov & Pavlyuk 2013) and are compiled from the original data
(Tsvetkov 1994; Clocchiatti et al. 1996; Hamuy 2001; Botticella et al. 2010).

Model 150M has a plateau phase during the first 115 days which is not unusual for
SNe IIP. Although this model has a higher envelope mass (29 M�) than those of typical
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Figure 4.14: Color temperature evolution of 150 M� PISN (solid line) and of typical
SN IIP SN 1999em (squares) and of NUV-bright SN 2009kf (circles) Bersten & Hamuy
(2009); Botticella et al. (2010). SN 2009kf data are shifted in time by 15 days.
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SNe IIP progenitors (< 10 M�), the helium mass fraction is very high (about 80%). At
the same time it is expected that the envelopes of typical SN IIP progenitors have helium
mass fractions of 35% – 50% depending on their initial masses (Woosley et al. 2002; Langer
2012). Helium recombines at higher temperatures to reduce the electron scattering opacity
and the hydrogen recombination front recedes more rapidly with a higher fraction of helium
in the envelope (Kasen & Woosley 2009). This makes our Model 150M to have a fairly
short duration of the plateau phase compared to high redshift RSG PISN models (cf.
Figure 4.8). The plateau duration of the light curve for our Model 150M is comparable to
those of typical SNe IIP, despite the relatively high envelope mass.

During the plateau phase, the V -band magnitude varies by 1-2 magnitudes (Barbon
et al. 1979; Hamuy 2003a). Compared to the typical plateau supernova SN 1999em, the
plateau luminosity of the Model 150M is higher by 2-3 magnitudes, but comparable to those
of the three bright SNe IIP (SN 1992H, 1992am and 2009kf, cf. Figure 4.13). The estimated
nickel masses for these SNe IIP are comparable or higher than that in Model 150M: MNi =
0.058 M�, 0.075M�, 0.36M� for 1999em, 1992H, 1992am (Clocchiatti et al. 1996; Hamuy
2003a; Nadyozhin 2003; Bersten et al. 2011), respectively, and limited by 0.4 M� for 2009kf
(Botticella et al. 2010).

Our Model 150M has a very large initial radius of 3394 R� (see Table 4.1), while those
of ordinary SNe IIP progenitors have radii of less than 1000 R�. Due to this difference our
PISN explosion and SN IIP explosions have a different appearance of the shock breakout
event. The shock breakout duration is longer for a larger progenitor (Tominaga et al. 2011).
The color temperature is higher for a SN IIP shock breakout than that for our PISN (Tcol ∼
R−1/2) while the peak luminosity is similar depending mostly on the explosion energy
(Tolstov et al. 2013). Since our PISN shock breakout is redder the spectral maximum
occurs at a longer wavelength (see Table 4.2). Unfortunately the shock breakout of local
SNe II is very difficult to detect because it appears as a ultraviolet/X-ray burst lasting
only minutes to hours (Calzavara & Matzner 2004).

The large progenitor radius of our 150 M� PISN model has consequences for the pho-
tospheric temperature evolution. In Figure 4.14, we compare the color temperature of
our 150 M� PISN with those of the typical SN IIP SN 1999em and the near UV-bright
SN 2009kf. The color temperature evolution of our model is very different to that of SN IIP
1999em, but similar to that of SN IIP SN 2009kf, which had a high NUV excess at early
time. Nevertheless, the NUV light curve of our model does not show such a high luminosity
as SN 2009kf. The maximum NUV luminosity reaches −20.5 mag and −22 mag for our
150 M� PISN model and for SN 2009kf, respectively (Botticella et al. 2010). The high
NUV luminosity of 2009kf is explained by the interaction of the SN shock with a dense
stellar wind preceding the SN explosion (Moriya et al. 2011). The higher temperature is
the direct consequence of the ultraviolet excess. However, in case of our low mass PISN
model the shock breakout event occurs and the high temperature is related to the relax-
ation of the highly excited medium. Any interaction of the SN ejecta with the progenitor
wind is neglected in our model.

Another possible way to distinguish a SN IIP from a PISN explosion is to check the
photospheric velocities. In Figure 4.15 we show the photospheric velocity for our 150 M�
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Figure 4.15: Photospheric velocity for our 150 M� PISN model (blue solid line) and ob-
servational data for several SNe IIP (Jones 2008). The zero point for the observed data is
the first spectroscopic observation.

PISN model along with those of a few ordinary plateau SNe taken from Jones (2008).
The estimate for the photospheric velocity is based on the Hβ absorption line (Jones et al.
2009). The distinct property of our model is the low photospheric velocity at earlier time
compared to the maximum photospheric velocities of SNe IIP (cf., Grasberg et al. 1971;
Young 2004). The photospheric velocities at later time are similar for both SNe IIP and
our low mass PISN model.

SLSNe linked to type Ic SNe

As discussed in Section 4.4 the photosphere of our 250 M� PISN model during its peak
luminosity phase recedes to the bottom of the hydrogen-rich envelope (see also Kasen et al.
2011; Dessart et al. 2013). Therefore, one could classify it as a SN Ic, like SN 2007bi, if
it was discovered during the maximum or post-maximum phase. In Figures 4.16 and 4.17,
therefore, we compare the synthetic bolometric light curve of our 250 M� model with the
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Figure 4.16: Absolute bolometric light curve for our 250 M� PISN model (blue solid curve)
and quasi-bolometric and bolometric light curves of superluminous type Ic SN 2010gx (red
circles, Inserra et al. 2013), PS1-10awh and PS1-10ky (green and black triangles, Chomiuk
et al. 2011) PS1-10bzj (magenta squares, Lunnan et al. 2013), and SN 2007bi (yellow
diamonds, Young et al. 2010).
The observed curves are shifted in time by 200 days to coincide with the maximum phase
of the theoretical curve.
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quasi-bolometric light curves of some superluminous type Ic SNe: SN 2010gx, PS1-10awh,
PS1-10ky PS1-10bzj, SN 2007bi, and PTF10nmn.

From Figure 4.16 it is clear that Model 250M cannot explain several of the unusually
luminous SNe Ic, because of the very broad light curve of our model. Unambiguous ev-
idence for a pair instability explosion of an initially high mass progenitor would be the
observation of an extremely long rise to the maximum phase (Benetti et al. 2013). There-
fore, some attempts are made to complete the light curves with retrospective detection of
data points before the maximum phase(Nicholl et al. 2013). The synthetic light curve of
our 250 M� PISN model shows 200 days of rise while many SNe Ibc and SLSNe demon-
strate significantly shorter rise time less than 40 days (see e.g. Modjaz et al. 2009; Drout
et al. 2011; Chomiuk et al. 2011). A good example of a SLSN with a reliable long-lasting
rise is PTF10nmn. The data for this particular SLSN and for SN 2007bi are shown in
Figure 4.17. Our Model 250M agrees well with the broad light curves of PTF10nmn and
SN 2007bi.

The photospheric velocity of our high mass PISN model around the luminosity peak
is lower than typical velocities of luminous SNe Ibc (Figure 4.18). The reason for the
low velocity is the high ejecta mass of our model. This may be another criterion for
distinguishing luminous PISNe powered by large amounts of nickel from superluminous
CCSNe. However, the photospheric velocities measured for SN 2007bi demonstrate that
the ejecta of this particular SLSN moves at a lower velocity than those of other SLSNe,
which is in good agreement with our model. This renders precise spectroscopic observations
important to shed light on this question.

Being discovered around or after its maximum, SN 2007bi resembles some other SLSNe
which show a short rise to their peak luminosity (Nicholl et al. 2013). Particularly, this rules
out the pair instability origin of these SNe. Nevertheless, we conclude that our Model 250M
agrees with observed properties (light curve, photospheric velocity) of SLSN 2007bi well.
Therefore, SN 2007bi might emerge from pair instability explosion of very massive star
with initial mass above 200 M�.

4.6 Conclusions

We carried out simulations of shock breakouts and light curves of pair instability supernovae
using two evolutionary models of 150 M� and 250 M� at metallicity Z = 10−3 (Langer
et al. 2007; Kozyreva et al. 2014b). We used the radiation hydrodynamics code STELLA
for this purpose (Blinnikov et al. 2006). The considered metallicity (Z = 10−3) is among
the highest of PISN models that have been so far presented in the literature (Herzig et al.
1990; Whalen et al. 2013c). Therefore, our models may serve as useful references for future
studies on PISNe observed in the local Universe, as well as in the early Universe.

From our qualitative comparison to ordinary core collapse SNe we conclude that it is
difficult to distinguish low mass pair instability explosions from hydrogen-rich core collapse
explosions. The photometric and spectroscopic observations, including X-ray and ultra-
violet (for detection of shock breakout events), should be very detailed from the earliest
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Figure 4.17: Absolute R-band (thin green line) and bolometric (thick blue line) light curve
for our 250 M� PISN model, and R-band data for SLSN 2007bi (cyan circles) and PTF-
10nmn (red circles) Gal-Yam (2012b).
The observed curves are shifted in time by 200 days to coincide with the maximum phase
of the theoretical curve.
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epoch to help shed light on this. The increasing number of SN surveys will increase the
number of discovered SNe, as well as providing detailed data from the very early epoch
after explosion, especially from those missions which have the short cadences (e.g., PTF).

Given the low-mass preference of the stellar initial mass function, a large fraction of
PISNe that will be observed in the local Universe could resemble our 150 M� model, which
represents PISNe from the low-mass end of the PISN regime. These PISNe are predicted
to have the following characteristics:

1. The progenitors are likely to be red supergiants having very extended envelopes
(R ∼ 3000 R�), if they can retain some fraction of the hydrogen envelopes by the
time of explosion. Our 150 M� model has the final mass of 94 M� and the envelope
mass is 29 M�, which is significantly lower than in the corresponding case of zero or
extremely low metallicity (∼ 70 M�). The hydrogen mass fraction in the envelope is
only about 0.25.

2. The resulting PISN would appear to be a bright type IIP supernova like SN 2009kf.
Its luminosity at the visual maximum would be typically higher by 2-3 magnitudes
than average SNe IIP, although the total amount of radioactive nickel would be
more or less similar to those from usual hydrogen-rich core-collapse supernovae (∼
0.05 M�), depending on the final mass of the progenitor.

3. The plateau duration would be similar to those of ordinary SNe IIP, but much shorter
than in the corresponding case at extremely low metallicity because of the relatively
low mass of the envelope and the low hydrogen mass fraction.

4. The shock breakout duration would be somewhat longer (∼ 6 hrs) and redder
(0.07 keV) than those of ordinary SNe IIP.

5. The photospheric color temperature would be systematically higher than those of
ordinary SNe IIP, and its evolution would look quite similar to that of SN 2009kf,
which is an unusually bright SN IIP with a NUV-excess.

6. Because of the very large radius of the progenitor, the photospheric velocity at early
times would be systematically lower than those of ordinary SNe IIP (Figure 4.15).

We also conclude that some observed luminous SNe Ic could have emerged from a pair
instability explosion. Careful and deep photometric and spectroscopic observations would
help to differentiate a pair instability explosion from SN Ic, in particular for the rise epoch
and the tail. A general property of PISN explosions from the high mass regime is a slow
light curve evolution due to massive ejecta. This causes a long rise to the peak luminosity
and a long transition to the radioactive tail.

It was previously noted (Scannapieco et al. 2005; Kasen et al. 2011; Whalen et al.
2013a; Dessart et al. 2013) that a PISN from the high mass end of the PISN regime
does not resemble any of the observed supernovae so far. However, we demonstrated that
SLSNe 2007bi and PTF10mnm may fit well to our high mass PISN Model 250M. This
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Figure 4.18: Photospheric velocity of our 250 M� PISN model and of several SLSN Ic.
The observed data are taken from Young et al. (2010); Chomiuk et al. (2011). SN 2007bi
points show the lower velocity limit measured from O I λ 7774 which we use as a best
estimate for the photospheric velocity. The observed data are shifted to the maximum
phase of the theoretical curve (day 175). The bold part of the theoretical curve (green)
covers the maximum phase (from day 175) and the successive decline phase.
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concerns the light curve shape, the peak luminosity, the photospheric velocity and the
bulk ejecta masses.

We suggest the following criteria to distinguish high mass PISN from CCSN:

1. A short precursor in U, B, V -bands at about −19 mag lasting less than 40 days
which can appear itself as a SN long before (e.g., half a year – a year before) the
main maximum.

2. The pronounced rise time is larger than 200 days, which is significantly longer than
for ordinary SN Ic.

3. A PISN may evolve from hydrogen-rich to hydrogen-poor type.

4. The nebular luminosity is powered by radioactive nickel decay and determined by
the amount of produced nickel. Large amounts of radioactive nickel, tens of solar
masses, produced in PISN significantly exceed typical 0.05 – 0.5 M� of nickel left by
ordinary SNe Ic.

5. The photospheric velocity is lower than the velocities of SNe Ic during the whole
evolution. On top of that the PISN photospheric velocity has a peculiar evolution
during the rise to maximum light.

Increasing SN statistics will discover the brightest SNe together with others (Kaiser
et al. 2002; Ivezic et al. 2008; Law et al. 2009). According to Langer et al. (2007) one pair
instability explosion in the local Universe occurs among one thousand core collapse SNe. At
present the number of discovered SNe per year surpasses one thousand, therefore, we expect
several PISNe among the large number of discovered SNe. However, their unambiguous
identification may be challenging, which we hope to facilitate with our present study.
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(Å
)

(k
eV

)
(d

ay
s)

(e
rg

/s
)

1
5
0
M

6
5.

4
×

10
4
4

60
/1

60
17

0
0.

07
11

0
1.

6
×

10
4
3

R
15

0.
K

2
1.

2
×

10
4
5

90
/1

70
16

9
0.

07
20

0
3
×

10
4
2
−

10
4
3

R
19

0.
D

—
—

—
—

—
26

0
3
×

10
4
3

R
25

0.
K

1.
6

9.
6
×

10
4
5

13
0/

35
0

83
0.

15
41

0
6
×

10
4
3
−

10
4
4

B
19

0.
D

—
—

—
—

—
30

0
1.

6
×

10
4
3

B
21

0.
D

—
—

—
—

—
28

0
2
×

10
4
2
−

10
4
4

2
5
0
M

1.
4

6.
2
×

10
4
5

23
0/

57
0

51
0.

24
28

0
10

4
3
−

6
×

10
4
3

B
25

0.
K

0.
3

1.
4
×

10
4
5

33
0/

63
0

46
0.

27
44

0
2
×

10
4
2
−

5
×

10
4
3



124 Chapter 4. Observational properties of low redshift pair instability supernovae



Chapter 5

Summary and concluding remarks

This chapter summarises the work done, the obtained results

and the overall achievements of the thesis.

The role of supernova explosions in the Universe is very significant. Firstly, most of
them are the result of the relatively quick evolution of massive star. Therefore, they are
the first contributors to the enrichment of the medium with heavy elements. Secondly, the
appearance of supernova explosion serves as an excellent probe for the stellar evolution.
This is especially important nowadays when the number of discovered supernovae exceeds
one thousand every year.

In this thesis, we provide some of the first models of very massive stars exploding
through the pair instability mechanism in the local Universe. While the pre-supernova
evolution of our models has been published earlier (Langer et al. 2007), we have calculated
the supernova explosions with the hydrodynamics stellar evolution code BEC (Yoon et al.
2010), and the subsequent supernova expansion phase with the radiation hydrodynamics
code STELLA (Blinnikov et al. 2006).

5.1 Improvement of the nuclear network

Before this work, the BEC code was able to simulate the hydrostatic evolution of massive
stars though hydrogen, helium, carbon, neon and oxygen burning. However, silicon burning
as well as any explosive burning stages could not be calculated reliably due to limitations
in the nuclear network of the BEC code.

To remedy this, a simplified α−chain network was implemented as a first attempt of
extending the existing nuclear network until the end of silicon burning. One of the main
reasons why the α−chain network is appropriate for the stellar evolutionary calculations is
that it produces a reliable energy generation rate during the silicon burning phase. This is
important for realistic stellar structure calculations. Being computationally inexpensive,
the α−chain network is valuable for extensive stellar evolutionary simulations.

Firstly, we revised the list of reactions relevant for oxygen burning and added the main
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chain of reactions from silicon to nickel involving capture and production of α−particles
and implicitly included protons. The numerical recipe, which solves the system of differ-
ential equations, was improved by adding the “corrector” loop. Secondly, we extended the
nuclear network to include 204 isotopes from hydrogen until germanium and 2134 reactions.
Since the reactions involve capture and production of neutrons and protons the network
fairly deals with weak interactions which are responsible for altering the electron fraction.
The value of the electron fraction (and in turn neutron excess) strongly influences the nu-
cleosynthetic yields which describes the nucleosynthesis of pair instability supernovae as
we show in Chapter 3. We also implemented a table for energy generation rate calculations
to optimize stellar evolutionary computations during the silicon burning phase.

For test purposes ,we successfully calculated a set of helium star models at solar metal-
licity starting from the helium zero-age main sequence. In particular, 10 M� and 15 M�
helium star models were evolved until the pre-supernova stage, i.e., until the formation of
an iron-nickel core. We found an overall agreement of our helium star evolution models
with simulations provided by other evolutionary codes. This means that the code can now
be used for calculations of the approximate structure of pre-supernova models which can
be used further to simulate supernova explosions.

5.2 Pair instability supernovae in the local Universe

The recent discovery of superluminous supernovae initiated great interest in evolution-
ary models of pair instability supernova (PISN) progenitors. Moreover, as the observed
superluminous supernovae exploded in the local Universe, whereas previous modeling ef-
forts of PISNe focused on the early Universe, the special challenge was to construct the
self-consistent evolution of very massive star at metallicities suitable for the local Universe.

One on the main result of the thesis is our successful calculations of the evolution of
very massive stars exploding as PISNe. We calculated two models of PISNe, with initial
masses of 150 M� and 250 M� and with an initial metallicity of Z = 0.001 (Kozyreva et al.
2014b). For this task we used the BEC code with the newly implemented large nuclear
network including 204 isotopes (Timmes 1998). Both models were evolved through the pair
creation, collapse, and explosive burning phases (explosive oxygen and explosive silicon
burning) and eventually exploded. The final kinetic energy of our models is 1.2× 10 52 erg
for the 150 M� and 7× 10 52 erg for the 250 M� model.

PISNe are completely disrupted during the explosion and eject a large mass (the entire
stellar mass) of processed stellar matter enriched with heavy elements into the circumstellar
medium. We calculated nucleosynthetic yields for both our PISN models. We show that
PISNe produce very large amounts of oxygen. Either, the low-mass and the high-mass
model, eject about 40 M� of oxygen which remains unburnt after the explosive burning
stage. For the 150 M� model the highest yields are those of intermediate mass elements
between oxygen and silicon. The production of heavier elements is fairly reduced because
only a small fraction of silicon is burnt in this model. The 250 M� model yields large
amounts of intermediate mass elements similarly to the 150 M� model, and considerable
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amounts of iron-group isotopes. We draw special attention to the production of radioactive
nickel-56. Our low mass model produces only 0.04 M� of this isotope which is comparable
to an average amount of nickel in core-collapse supernovae. The consequences of this
relate to the emerging shape of the supernova light curve. The ejecta of our 250 M� model
contains about 20 M� of radioactive nickel which is far beyond any possible value generated
in core-collapse supernovae or in SNe Ia. Such a high nickel mass results in a high peak
luminosity and a long-lasting light curve of the PISN.

We provide an extensive nucleosynthesis analysis of our models in comparison to metal-
free PISN models (Heger & Woosley 2002; Umeda & Nomoto 2002). We calculated the
final isotopic yields and nucleosynthetic production efficiency of our models. We demon-
strated that the PISN contribution to the yields produced by one generation of stars is less
pronounced for the local Universe (a so-called “odd-even effect”) compared to metal-free
PISN models. We conclude that although the PISN progenitors contribute only 2% to the
total number of stars in one generation, the signature of PISNe is noticeable and can be
visible in the abundances of long-lived low-mass stars at a similar metallicity.

5.3 Observational properties of low redshift pair in-

stability supernovae

One of the main interests in PISN explosions is related to the recently discovered superlu-
minous supernovae. In order to be able to compare our models with the observed properties
of these supernovae, a simulation of expanding supernova ejecta on the timescale of years
is required.

For this purpose, both our evolutionary PISN models were mapped into the radiation
hydrodynamics code STELLA (Blinnikov et al. 2006) about 30 seconds after the end
of the explosive nuclear burning. We then simulated the further explosion through the
shock breakout phase (when the shock emerges on the stellar surface) and the successive
photospheric evolution (Kozyreva et al. 2014a). Our calculations differ from simulations
made with other radiative transfer codes (SEDONA and CMFGEN, Kasen et al. 2011;
Dessart et al. 2013) which were mostly used for simulation of metal-free and very metal-
poor PISNe. Among others, the main advantage of the STELLA code is the coupled
hydrodynamical and radiation field evolution, which provides self-consistent calculations
of the propagation of radiation dominated supernova shocks.

Although our 150 M� PISN model does not appear as superluminous, its bolometric
magnitude reaches – 19 mag during the so-called “plateau” phase (the corresponding
bolometric luminosity is about 2 × 10 43 erg s−1). We emphasize that even though the
initial metallicity of our model is relatively high (0.001), the PISN progenitor retains a
massive hydrogen envelope (29M�), i.e. our 150M� PISN model explodes as very extended
red supergiant. The overall shape of the light curve (a plateau phase of 100 days and a
successive radioactive tail) and the photospheric evolution are similar to those of bright
type II plateau supernovae (SNe IIP) which are thought to originate from iron-core collapse.
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We demonstrated that it is difficult to distinguish low mass pair instability explosions from
hydrogen-rich core collapse explosions. However, we suggested that detailed photometric
and spectroscopic observations from the earliest epoch can help to differentiate PISN from
core-collapse supernova (CCSN). PISNe have a longer and redder shock breakout, a lower
photospheric velocity, and a higher color temperature compared to SNe IIP.

The peak bolometric magnitude of our 250M� PISN explosion model reaches – 21 mag
(i.e. about 10 44 erg s−1 in terms of luminosity) and hence competes with superluminous
supernovae, which occur with peak magnitudes above – 21 mag. The light curve of this
high-mass PISN model appears very broad because the ejecta mass is sufficiently large
(∼ 170M�). The rise time to the main maximum is about 200 days. Due to the same
reason the photospheric velocity is relatively low. We also show that during the maximum
phase the photosphere in this PISN model is located in hydrogen/helium-deficient layers,
which means that during the maximum phase it might be classified as hydrogen-free type Ic
supernova. Although most superluminous type Ic supernovae possess narrower light curves,
some of them (the best candidates for PISNe are SN 2007bi and PTF10nmn) might rise
and decline slowly. We showed that the photospheric evolution of our 250 M� PISN model
agrees well with the observable characteristics of SN 2007bi. Moreover, the nucleosynthetic
yields of our model are surprisingly comparable to elemental yields provided by spectral
observations of SN 2007bi. Therefore, based on our comparison we claim that SN 2007bi
is not unlikely to originate from pair instability explosion.

The expected rate of PISNe among usual type II CCSNe (which are the most numerous
ones in unbiased supernova samples) is one PISN explosion per one thousand CCSNe,
assuming they occur in galaxies with a metallicity of less than about one-third of the solar
metallicity. According to the progress in observational astronomy the number of discovered
supernovae surpasses one thousand every year. Given the low-mass preference of the stellar
mass function, relatively low-mass PISNe are supposed to occur more frequently than
high-mass ones. Therefore, we believe that possibly several PISN events have already been
observed. An observational confirmation of PISNe would verify their theoretical predictions
from half a century ago. It would emphasize the nucleosynthetic impact of this type of
supernova explosions to the chemical evolution of the Universe.



Appendix A

Basic stellar structure equations

The structure and evolution of stars are goverened by a set of partial differential equations.
The following are hydrodynamic equations which include inertia term. However, they can
be easily be converted into hydrostatic version while equating the inertia term with zero.

The set contains the equations of (1) continuity of mass, (2) momentum and (3) energy.
Written in the vector form they are:

∂ρ

∂t
+∇ · (ρu) = 0 (A.1)

∂ρu

∂t
+∇ · (u⊗ ρu) +∇pg = 0 (A.2)

∂E

∂t
+∇ · [u (E + pg)] = 0 , (A.3)

where ρ is the gas density, u its velocity, pg the gas pressure, and E the total gas energy
per unit volume, E = ρeint + 1

2
ρu2, where eint is the internal energy per unit mass. ⊗

denotes the outer product of two vectors giving a 3× 3 tensor.
In case of a non-rotating spherically symmetric star it is appropriate to use comov-

ing Lagrangian coordinates bound with the matter. Therefore, the above-written set of
equations can be replaced by the following set:

(
∂r

∂m

)
t

=
1

4πr 2ρ
(A.4)(

∂r

∂t

)
m

= u (A.5)(
∂P

∂m

)
t

=
Gm

4πr 4
− 1

4πr 2

(
∂u

∂t

)
m

(A.6)(
∂l

∂m

)
t

= εnuc + εν +
P

ρ 2

(
∂ρ

∂t

)
m

−
(
∂ε

∂t

)
m

(A.7)(
∂T

∂m

)
t

= −∇ GmT

4πr 4P

[
1 +

r 2

Gm

(
∂u

∂t

)
m

]
, (A.8)
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where r is the radial distance of the shell to the centre of the star, m is the mass contained
– serves as mass coordinate of the shell m(r) =

∫ r
0

4πr 2ρdr, ρ is the density in the shell,
u is the radial velocity, P is the pressure, G is the gravitational constant, l is the local
luminosity, T is the temperature, ε is the internal energy per unit mass, εnuc corresponds
to the energy release due to thermonuclear burning, εν represents the local heat losses due
to neutrino flux.

The details about this set of equations can be found, e.g., in Kippenhahn & Weigert
(1990); Heger (1998).

The temperature gradient in radiative mass shells

∇ ≡
(
∂ lnT

∂ lnP

)
t

(A.9)

is given by radiative temperature gradient

∇rad =
3

16πacG

κlP
mT 4

[
1 +

r 2

Gm

(
∂u

∂t

)
m

]−1

, (A.10)

where a is the radiation constant, c is the speed of light, and κ is the Rosseland mean
opacity. The opacities are based on Alexander & Ferguson (1994) and Iglesias & Rogers
(1996).

The temperature gradient in convective shells is calculated using the mixing-length
theory (see e.g. Kippenhahn & Weigert 1990, and references therein).

The equation of state should be added to this set of equations, which binds the pressure
P with the temperature T .

The set of equations is the system of non-linear partial differential equations. The
evolution code solves it using the Newton-Raphson iteration method. The details about
the numerical method can be found in Henyey et al. (1959, 1964).



Appendix B

Integration SN yields over the IMF

B.1 Integration over the IMF

B.1.1 Isotopic production factor

The production factor P iso of a given isotope for the star with the mass M is defined as:

P iso(M) =

∫
X zones

iso dm zones

X �
iso ·M

=
m iso(M)

X �
isoM

, (B.1)

where X zones
iso is mass fraction of the given isotope in zones, X �

iso is solar mass fraction of
the isotope, M is the total mass of the star, m iso(M) is the total yield of the isotope in
the ejecta.

The production factor P int
iso averaged over the IMF is

P int
iso =

∫
m iso(M) Φ(M)dM∫
X �

isoMΦ(M)dM
, (B.2)

where m iso(M) is the set of total yields of the isotopes (see Equation B.1), Φ(M) ∝ M Γ

is IMF (Γ = −1.6;−2.3). Note that yield m iso(M) is an additive variable, and production
factor P iso(M) is not an additive variable.

In other words production factor P int
iso is:

P int
iso =

∫
m iso(M)M ΓdM∫
X �

iso MM ΓdM
=

∫ (
m iso

X �
isoM

)
M Γ+1dM∫

M Γ+1dM
=

∫
P iso(M)M Γ+1dM∫

M Γ+1dM
. (B.3)

Direct integration of the production factor gives:

P int
iso =

∫
P iso(M)M ΓdM∫

M ΓdM
, (B.4)
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which means to be not correct (since production factor P iso(M) is not an additive variable)
but give almost the same result. It is obvious that difference between Equation (B.3) and
Equation (B.4) consists in the different IMF slopes. But as it is shown in Heger & Woosley
(2002) the IMF exponent has a weak effect on the integrated values.

B.2 Elemental production factor

All written above is related to isotopic production factor. If we consider elemental produc-
tion factor P int

ele the expresion is:

P int
ele =

m int
ele

X �
ele M

int
, (B.5)

where m int
ele is the yield of the element integrated over the IMF, X �

ele is the solar mass
fraction of the element (≡ sum of mass fractions of the isotopes along the given element),
M int is an integrated mass.

The integrated yield of the element m int
ele is defined as:

m int
ele =

∫
m ele(M)M ΓdM =

∫ [∑
iso

m iso(M)

]
·M ΓdM . (B.6)

Substituting m iso defined in Equation (B.1) (in the case of CCSN data M ≡ M ejecta) the
expression for production factor could be rewritten as:

P int
ele =

∫ [∑
iso P iso(M)

(
X �

iso

X �
ele

)]
M ejecta ·M ΓdM∫

Mx ·M ΓdM
, (B.7)

where Mx in denominator could be considered as M ejecta or M(≡M initial).
If Mx = M ejecta the normalization includes integration of M ejecta over the IMF. This

is correct for the average yield integrated over ejecta mass. The integration in Heger &
Woosley (2002) (concerning CCSN data) is done according to above-mentioned recipe.
From Equation (B.5), M int should be the initial stellar mass integrated over the IMF
(weighted mass). This is correct to set Mx = M = M initial.

B.2.1 The sum details

Following the results from the previous section B.2 we rewrite the integral for the elemental
production factor Equation (B.7) as the sum:

P int
ele =

∑
i

(
P ele(Mi) ·M ej

i ·M Γ
i + P ele(Mi+1) ·M ej

i ·M Γ
i+1

)
∆Mi∑

i

(
M Γ+1

i +M Γ+1
i+1

)
∆Mi

, (B.8)
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Figure B.1: Average elemental production factor for CCSN at zero metallicity. The inte-
gration is done for stars 12 – 40 M� over the IMF with the slope Γ = −2.5 (−1.5 in Heger &
Woosley (2002)). Blue line represents result normalized on integrated initial mass. Green
line represents result normalized on integrated ejecta mass. (The green line is almost under
the red one). Red line is the dotted line in the Figure 4 Heger & Woosley (2002). CCSN
data are taken from Woosley & Weaver (1995).

where Mi = { 12, 13, 15, 18, 20, 22, 25, 30, 35, 40, 150, 250 } — initial masses of the
stellar models in solar masses (from Woosley & Weaver (1995) and our study), M ej

i = {
10.7, 11.8, 13.6, 16.4, 18.1, 20.0, 23.1, 27.4, 28.5, 31.1, 150, 250 } — ejecta masses in
solar masses (given numbers are taken from Tables 10A, 10B (Woosley & Weaver 1995) for
models at metallicity Z = 0.1Z�; ejecta masses for metal free models are in Tables 16A,
16B), ∆Mi = Mi+1 −Mi = { 1, 2, 3, 2, 2, 3, 5, 5, 5, 110, 100} solar masses, Γ = −2.5 is
the IMF slope.

Then the elemental production factor P ele(Mi) for a particular stellar model is defined
as:

P ele(Mi) =
∑
iso

P iso(Mi)

(
X �

iso

X �
ele

)
, (B.9)

where P iso(Mi) is isotopic production factor for the model, and the sum is done over
isotopes for a given element. The production factor in Woosley & Weaver (1995) as:

P iso(Mi) =
m iso(Mi)

X �
isoM ej

, (B.10)
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where m iso is the total isotopic yield in the ejecta.
Both in numerator and denominator we do not include the term involving Mi = 40

and Mi+1 = 150, i.e. we do not take into consideration the range of initial masses between
40 M� and 150 M�, because we assume no considerable contribution from these stars.

B.2.2 The imprint of pair instability supernovae on the yield
from one generation of stars

In this section we briefly descuss the imprint of pair instability supernovae (PISN). The
main conclusions are done in Chapter 3. Let us consider the ratio of the production factor
for one generation of stars (P (CCSN + PISN)) to production factor for massive stars which
result in core-collapse supernovae (CCSN, P (CCSN)). The ratio for a given isotope for
zero metallicity models is:

R0 =
P (CCSN + PISN)0

P (CCSN)0

=
MCCY (CCSN + PISN)0

MCCPISNY (CCSN)0

, (B.11)

where P (CCSN + PISN) is an average production factor for one generation of massive and
very massive stars, and P (CCSN) is the average production factor for one generation of
massive stars (the contribution to metals from CCSN). log(R0) is the difference between
blue solid line and blue dotted line. Y values are corresponding yields. MCC is a weighted
mass

∫
MM ΓdM over CCSN range (12-40 M�) and MCCPI is a weighted mass over the

whole mass range (12 – 260 M�).

R0 =
MCC

MCCPI

Y (CCSN)0 + Y (PISN)0

Y (CCSN)0

=
MCC

MCCPI

[
1 +

Y (PISN)0

Y (CCSN)0

]
(B.12)

The similar expression can be written for the production factors for models at metallicity
Z = 0.002:

R0002 =
MCC

MCCPI

[
1 +

Y (PISN)0002

Y (CCSN)0002

]
. (B.13)

The bulk yields of even-charged elements: 16O, 20Ne..., 28Si for PISN at different metallicity
are similar. Therefore, Y (PISN)0002 ≈ Y (PISN)0 = Y (PISN). The yields ratio f is defined
as: f = Y (CCSN)0002/Y (CCSN)0. A factor f is different for different isotopes. The final
expression for the ratio between production factor R0002 is:

R0002 = A+
1

f
·R0 , (B.14)

where A = MCC

MCCPI

[
1− 1

f

]
The value of f is above unity for many isotopes as it is seen in the Figure B.2 (red

dotted line is above blue dotted line in many nodes). In mathematical point of view this
means that R0002 is always less than R0. In the Figure B.2 this is seen as smaller difference
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Figure B.2: Average elemental production factor for one generation of massive and very
massive stars at different metallicities.
Dotted lines: an average elemental production factor for one generation of massive stars
12-40 M� over the IMF with the slope Γ = −2.5 (– 1.5 in Heger & Woosley (2002)) at
metallicity Z = 0 (blue) and Z = 0.002.
Solid lines: the same integration is done with taking into account PISN yields at mass
range 150-250 M�. Blue line corresponds to metallicity Z = 0 and red line corresponds to
metallicity Z = 0.002 (CCSN at Z = 0.002 + PISN at Z = 0.001). CCSN data are taken
from Woosley & Weaver (1995). Zero metallicity results are taken from Heger & Woosley
(2002).
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between red solid and red dotted lines comparing to the same difference between blue solid
and blue dotted lines.

Larger value of f means the larger contribution of non-zero metallicity CCSN compared
to zero metallicity CCSN. The consequence of larger f is the smaller ratio R0002 and so
the smaller imprint of PISN to the total yield from one generation of stars.

We conclude that in the local Universe the contribution from PISN is strongly washed
out by the large impact from CCSN. However, the PISN signature is still noticable since
PISNe change averaged elemental production factor by about 0.5 dex.
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